


ABSTRACT

Magnetic Fields and Accretion on T Tauri Stars

by

Wei Chen

In this thesis, we study magnetic properties of Classical T Tauri Stars (CTTSs)

using diffferent analysis methods from different angles. We first implement a least-

squares deconvolution (LSD) code to enhance the signal-to-noise ratio of the observed

data and therefore the ability to detect weak magnetic signatures in the polarized

spectra. We compare our code to another LSD code by analyzing the same spectra

with the same line list, and the good agreement confirms that our code performs

similarly with other state of the art LSD codes. We have also tested the instrument

we use to collect the spectropolarimetric data presented in this thesis. The intrument

do produce spurious signals but at a very low level, posing no problem in our analysis.

The polarization efficiency of the instrument is also high.

We then studied the CTTS BP Tau and found field configuration not consistent

with other results in the literature, which may simply be due to the temporal vari-

ability given the observations were taken 8 years apart. Next, we detect extremely

high levels of polarization on TW Hya in the 2013 epoch, which motivated us do

a thorough magnetic variability study. We find that the field geometry does have

changed, indicating a dynamo origin of these fields. We also try to use the rotational

modulation of 6 CTTSs to locate the accretion spots. Some of the stars have shown

definte change over the years while some remain similar.
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Chapter 1

Introduction

T Tauri stars (TTSs) are young (a few million years old), low-mass (0.1 ∼ 3 M⊙),

pre-main-sequence stars that have recently emerged from their molecular envelopes

and become visible at optical wavelengths. Originally based on their Hα equivalent

width (EW), they are categorized into classical T Tauri stars (CTTSs) and weak-line

T Tauri stars (WTTSs). CTTSs display EWs in the Hα emission line greater than 5

Å and have come to be synonymous with stars with accretion disks, whose existence is

usually inferred by an infrared (IR) continuum excess. Excess emission in ultraviolet

(UV), optical and radio wavelengths is also observed and all appears to be the result

of the star interacting with, and accreting material from, its circumstellar disk (e.g.

Bouvier etal. 2007, PPV chapter). The WTTSs show Hα EWs less than 5Å, and

their excess emission is generally attributed to strong chromospheric activity. Most

of them do not have accretion disk. They are believed to be the next evolution phase

for CTTSs when the accretion disks of the latter have eventually fully dissipated. For

further details, readers are referred to reviews on TTSs by Bertout (1989), Hartmann

(1998) and Petrov (2003).

1.1 Magnetospheric Accretion Model

It is now widely accepted that magnetic fields control the star-disk interaction. Figure

1.1 is a schematic diagram of the close circumstellar environment. It is the current
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Figure 1.1 : A schematic diagram of the close circumstellar environment.

understanding of the system. These magnetospheric accretion models (e.g. Camen-

zind 1990; Hartmann et al. 1994; Shu et al. 1994) posit that strong magnetic fields

exist on the stellar surface, truncate the disk near the corotation radius, and accreting

material from the disk is directed along the field lines onto the stellar surface at close

to free-fall velocity, creating accretion shocks when the material impacts the surface.

As material is accreted onto the star, angular momentum is also transferred from

the disk to the star. Therefore, actively accreting CTTSs should be rotating at or

near breakup velocity, which is not observed to be the case. Observations show that

most CTTSs rotate at a velocity an order of magnitude below this breakup veloc-

ity (Hartmann & Stauffer 1989) and also rotate more slowly than WTTSs with no

circumstellar disks (Edwards et al. 1993). These magnetospheric accretion models

account for this observational fact by having magnetic field lines thread through the



3

circumstellar disk, providing a breaking torque that prevents the star from rotating

too fast. Magnetic fields play such a crucial role in the accretion process and in the

early evolution of the young star that measuring field strengths on TTSs, probing

field geometries and understanding the origin of these fields are of great importance

in understanding how low-mass stars form and evolve.

1.2 Zeeman Effect and Stokes parameters

The Zeeman effect is widely used to detect and measure magnetic fields. In the pres-

ence of a magnetic field a single degenerate energy level of the electrons in atoms

and molecules can be split into several sublevels. Thus a spectral line correspond-

ing to a transition between two degenerate levels can be split into several different

components. The selection rule for the transition between these sublevels is

∆mJ = 0,±1, (1.1)

where mJ is the quantum number corresponding to the L-S coupling value of Jz,

the projection of the total angular momentum along the field. For transitions with

∆mJ = 0, the resulting components are the π components. They are linearly polar-

ized. Transitions with ∆mJ = ±1 produce either left or right elliptically polarized

components, which are called the σ components (left as σ+ and right as σ−). The ex-

istence of a non-zero magnetic field causes these components to shift from the nominal

line wavelength. The relative strength of these components depends on the viewing

angle relative to the direction of the magnetic field. If the line of sight is parallel to

the direction of the magnetic field, the π components vanish and the σ components

are circularly polarzied. Otherwise all the components are present. After passing

through a left-handed circular analyzer, a majority portion of each σ+ component,
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half of each π component, and a smaller portion of each σ− component are present in

the left circularly polarized spectrum (L); while a majority portion of each σ− com-

ponent, half of each π component, and a smaller portion of each σ+ component are

able to pass through a right-handed circular analyzer, making up the corresponding

line in the right circularly polarized spectrum (R). The Stokes I and V spectra can

be obtained by adding and subtracting the continuum normalized R and L,

I =
R + L

2
, V =

R− L

2
, (1.2)

where I is the total unpolarized spectrum while V , the circularly polarized portion,

potentially contains Zeeman signatures for all the lines present in the spectrum. Gen-

erally, the total magnetic field B can be measured from Stokes I while both circularly

polarized spectra R and L or both Stokes I and V are needed to obtain the longitu-

dinal (or line of sight) field, Bz. This is the case when we have a uniform magnetic

field. When we measure the magnetic field from the spectrum of a star, it is the

disk-integrated mean longitudinal field and is subject to flux cancellation.

For resolved splitting when the fields are strong enough, measuring the shifts of

σ+ and σ− components with respect to the nominal wavelength in Stokes I gives B

directly. For a component corresponding to a transition from level 2 to level 1,

∆λ = λ− λ0 ≈ −(m2g2 −m1g1)
e

4πmec2
λ0

2B = −4.67× 10−13(m2g2 −m1g1)λ0
2B,

(1.3)

where m is the quantum number for Jz, g is the Landé-g factor for the level and, B is

the magnetic field strength. The relative intensities of different components in R and

L are indicators of the field orientation with respect to the line of sight, which can

then be used to determine Bz. On the other hand, for unresolved splitting, different

components are blended, which can result in the broadening of the corresponding
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spectral line in Stokes I. Measuring this broadening can also give the total magnetic

field. If the unpolarized beam passes through a right or left-handed circular analyzer,

the spectrum present in either R or L is a single broadened line for the transition

with no clear splitting; however, there can be a slight shift of the line in the R or L

spectrum due to the different weighting of the unresolved π and σ components. Then

Bz can be obtained by calculating the shift between the line observed in R and L

light (λr and λl respectively),

∆λ = λr − λl = 2× e

4πmec2
λ2geffBz = 9.34× 10−13λ2geffBz, (1.4)

where λ is the nominal wavelength for this line, and geff is the effective Landé-g

factor for the atomic transition and is determined by an intensity weighted mean for

all the σ subcomponents that make up the line. Note that this shift is proportional

to the product of the square of the nominal wavelength, the effective Landé-g factor

and the field strength, in this case the strength of the line-of-sight field component.

Thus lines with greater Landé-g values at longer wavelengths are more magnetically

sensitive, and vice versa, magnetically sensitive lines refer to those with large Landé-g

values and/or long wavelengths.

1.3 Analysis Techniques

In the last few decades, substantial effort has been devoted to developing analysis

methods and techniques to study magnetism on T Tauri Stars. Generally, for late

type stars whose magnetic fields are believed to be weak and stellar rotation to be

slow, measuring Zeeman broadening from several magnetically sensitive spectral lines

in unpolarized Stokes I spectra is the best choice to get the total magnetic field

strength (Mathys 1991; Valenti et al. 1995; Johns-Krull & Valenti 1996). However, in
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CTTSs because of the generally more rapid rotation, Zeeman broadening is usually

masked by Doppler broadening, which makes detection of magnetic broadening in

optical spectra more difficult. This is why Basri et al. (1992) instead made use of

optical absorption lines near or on the flat part of the curve of growth to measure the

enhancement of the equivalent widths due to the shifts of the Zeeman components

to determine the mean field strength. They detected excess equivalent width in

magnetically sensitive lines from spectra of the WTTS Tap 35 which they interpreted

as evidence for a field of about 1000 G covering the entire surface, or for stronger

fields covering a smaller portion of the surface, but with an upper limit of about 1500

G on the field strength. Despite the difficulty in applying the Zeeman broadening

method to CTTSs, Johns-Krull et al. (1999b) carefully determined stellar parameters

(v sin i , log g, Teff , vturb) of BP Tau and examined the strongly magnetically sensitive

Ti I line at 2.2233 µm and measured a mean surface field of 2.6 ± 0.3 kG using

Zeeman broadening. Yang et al. (2005) applied the same procedure to 4 magnetically

sensitive Ti I lines near 2.2 µm from the spectra of TW Hydrae and obtained a mean

field of 2.61 ± 0.23 kG. This technique has now been applied to a few dozen TTSs

(Johns-Krull 2007; Yang et al. 2008; Yang & Johns-Krull 2011).

Spectropolarimetry is often used to measure the mean longitudinal magnetic field,

Bz, by measuring shifts between the corresponding lines in right and left circularly po-

larized spectra (Mathys 1991; Johns-Krull et al. 1999a; Valenti & Johns-Krull 2004).

Spectropolarimetric observations are generally sensitive to weaker fields than the Zee-

man broadening technique; however, in the limit of no stellar rotation, polarimetry is

only sensitive to the net field and suffers from cancellation of opposite field polarities.

On rotating stars, the cancellation is not quite as severe, depending on the geometry

of the field, and can produce signatures in Stokes V even when the net field is 0, but
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substantial polarity cancellation remains an issue. In the case of a rotating star, time

series observations of Stokes V can be used to probe the large scale magnetic field ge-

ometry. One direct way to measure Bz is to calculate the shift between the right and

left circularly polarized components (eq 1.4). This has routinely been applied to stars

which have fields with strong line-of-sight field components, such as some Ap and Bp

stars, which possess strong, globally organized magnetic fields and whose temporal

variations can usually be interpreted by the oblique rotator model (Borra & Land-

street 1980). A good example is Babcock’s Star (HD 215441), the non-degenerate

star with the strongest magnetic field (34kG) detected so far (Babcock 1960). For

weak fields, the shift is not often resolved, i.e. the Zeeman signatures are weak, which

is often the case for the photospheric lines of late-type stars, including TTSs. This

can make it very difficult to detect Zeeman signatures or longitudianal fields by using

single lines and thus lead to the development of multiline techniques.

Brown & Landstreet (1981) first deduced an approximate relationship between

Stokes V and the derivative of Stokes I with respect to wavelength when the field is

weak which is given by:

V

I
≈ e

4πmc2
ḡλ̄2Bz(

dI/dλ

I
), (1.5)

where I and V are Stokes I and V averaged over approximately 340 metal lines, ḡ and

λ̄2 are average values for Landé-g factor and square of wavelength. With this method

they are able to achieving errors of less than 20 G for their Bz measurements on 10

out of 26 late-type stars. However, TTSs are generally rapid rotators and also have a

richer list of absorption features. Therefore it is more difficult to find many unblended

lines. Johns-Krull et al. (1999a), Daou et al. (2006) and Yang et al. (2007) picked

out a few (from 4 to 12) relatively unblended, magnetically sensitive absorption lines

and used a cross-correlation method to find the wavelength shifts between R and L
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for individual lines and then averaged them to get the results. The limitation of only

being able to use unblended lines has motivated the development of more robust and

sophisitcated multiline techniques, among which Least-squares Deconvolution (LSD)

is one of the most popular methods (Donati et al. 1997, 2008). The LSD technique

solves the problem of blended lines by first deconvoluting them into individual lines

which can then be used in the analysis. The LSD method is used to extract intrinsic

profiles by effectively averaging over hundreds to thousands of blended and unblended

spectral lines and has the advantage of greatly enhancing the singal-to-noise of the

obtained intrinsic line profiles. The LSD method has been widely used to extract

intrinsic Stokes I and V profiles and measure magnetic fields on different types of

stars along the Hertzprung-Russell diagram, such as Ap and Bp stars (Wade et al.

2000b,a), late type stars (Barnes et al. 2000), and T Tauri Stars (Donati et al. 2007,

2008; Hussain et al. 2009).

After the first introduction of the LSD method almost two decades ago, many

modified methods have been developed. Sennhauser & Berdyugina (2010) developed

Zeeman Component Decomposition (ZCD), and argue that ZCD overcomes limita-

tions of the weak-field and weak-line approximations that the regular LSD method

suffers from and has the advantage of applying simultaneously to all Stokes parame-

ters (including Q and U , the linearly polarized components). Kochukhov et al. (2010)

upgraded the regular LSD method to their iLSD method, which uses multiple average

profiles instead of one single profile as assumed in a regular LSD code, and showed

an increase in the quality of the extracted intrinsic profiles. It has the flexibility of

extracting different profiles for lines of different species. This can be quite useful

when iLSD is being applied to spectra of Ap/Bp stars since different distributions on

the stellar disk may be expected for different elements on these chemically peculiar
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stars, producing different line profile shapes for the different elements.

Zeeman Doppler imaging (ZDI) is a technique that uses the maximum entropy

method and tries to recover the magnetic maps on stellar surfaces by fitting time

series of Stokes I and V profiles, sometimes together with Stokes Q and U profiles.

Magnetic fields are expanded to spherical harmonic series, and it is the parameters of

these spherical harmonic components that are fitted in the process to best reconstruct

the observed Stokes profiles. Applying LSD to spectra of stars under study has

become the first step for Zeeman Doppler imaging processes (Donati et al. 2008;

Morgenthaler et al. 2012; Kochukhov et al. 2013). The extracted intrinsic Stokes

profiles with greatly increased signal-to-noise provide much better constraints and

thus enhance the credibility of the technique.

1.4 Magnteic Fields on T Tauri Stars

Early theoretical magnetospheric accretion models for CTTSs generally assume a

magnetic field geometry with a pure dipole aligned with the rotation axis. They also

assume disk-locking - that the star is locked to the rotation period of the truncation

point. With this magnetic field configuration, theorists have been able to find relations

between the field strength and other stellar properties such as stellar mass, radius,

rotation period and mass accretion rate. Different accretion parameters yield slightly

different relations (Koenigl 1991; Collier Cameron & Campbell 1993; Shu et al. 1994).

Given the stellar and accretion parameters, the different relations predict a range of

magnetic field strengths on young stars, which in principle are an observable test of

these models.

The surface magnetic fields can be measured using Zeeman broadening in the

photospheric absorption spectral lines, as mentioned above in Section 1.3. The the-
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oretical relations predict BP Tau should possess a field with a strength of 1.4-4.1

kG. Johns-Krull et al. (1999b) examined the strongly magnetically sensitive Ti I

line at 2.2233 µm and measured a mean surface field of 2.6 ± 0.3 kG, within the

predicted range. This seems to support the model relations. However, Johns-Krull

& Gafford (2002) gathered from the literature data for 23 CTTSs, some of which

have been observed in multiple epochs, to look for the predicted correlations between

magnetic field strengths and stellar and accretion parameters produced by disked

locked magnetospheric accretion models assuming an aligned dipolar configuration.

The predicted correlations are not generally observed (see also Cauley et al. 2012).

Similar results have also been obtained by Johns-Krull (2007) where the author stud-

ied 14 CTTSs and found no correlation betwen the measured field strengths and the

predicted strengths from pure dipolar field models.

Spectropolarimetric observations have shed more light on the matter. Circular

polarization observations for various CTTSs (Johns-Krull et al. 1999a; Valenti &

Johns-Krull 2004; Daou et al. 2006; Yang et al. 2007) have shown that longitudinal

field measurements made by averaging dozens of photospheric lines are not consistent

with a pure dipolar geometry, aligned or inclined with respect to the rotation axis,

suggesting that a more complicated geometry must be present at the stellar surface

of CTTSs. Moreover, surface magnetic field maps have been recovered using the

ZDI method for more than 10 CTTSs from the ’Magnetic Protostars and Planets’

program (Gregory & Donati 2011, and references therein). These maps reveal that

all of the stars have field geometries more complicated than a pure dipole, and in some

cases, higher order components dominate. Based on these recovered maps, Gregory

et al. (2012) argue that the global magnetic topology of a CTTS is closely related to

the development of a radiative core, i.e. the CTTSs with a significant portion of a
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radiative core tend to host doninantly high-order non-axisymmetric magnetic fields

while fully convective stars usually possess dominantly axisymmetirc magnetic fields

with strong dipole components.

Thanks to the extensive research carried out on magnetic fields on TTSs, it is now

known to us that magnetic fields on the order of 2.5 kG are commonly present on the

stellar surface, and the field geometry is more complicated than a pure aligned dipole

(Johns-Krull 2007; Johns-Krull et al. 1999a). However, the origin and evolution of

these magnetic fields are not well known. There are two main types of potential

contributors of magnetic fields in general, primordial fields inherited from the parent

molecular cloud during the star formation process i.e. the so-called “fossil” fields and

dynamo generated fields. For the former, magntic field in interstellar medium threads

through the parent molecular cloud and is amplified by the contraction process. At

the same time, it suffers flux lose from processes such as ohmic dissipation. The

leftover magnetic fields are the fossil fields which may be presently observed. Without

considering the interaction between stellar rotation and magnetic fields, Tayler (1987)

explore the ideas that (1) the fossil fields are significantly in excess of the ones with

a dynamo origin and (2) the much greater spread of surface activity in pre-main-

sequence stars than in main-sequence stars are due to the different amount of fossil

fields to start with at the beginning of the Hayashi track. Once the star reaches the

main sequence, the fossil field is reduced to an insignificant amount due to ohmic

decay, and the dynamo field becomes dominant, leading to a much smaller spread

of activity on the main squence. However the authors also questioned the survival

of such fossil fields in a fully convective environment which would largely shorten

the decay time. The survival of such fossil fields during pre-main-sequence is also

studied by Moss (2003). They state that only stars whose masses are less than two
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solar masses undergo a substantial interval of a fully convective phase, making the

survival of fossil fields difficult while more massive stars do not suffer this enhanced

decay by convection and are likely to be able to retain primordial magnetic flux.

Spectropolarimetric observations on Ap/Bp stars show strong evidence that fields

with relatively simple geometries found on these stars are mostly fossil (Aurière et al.

2007). For TTSs, however, it is unlikely that fossil fields are fully responsible for

the observed magnetic fields since most TTSs are either fully convective or have a

significant outer convective zone.

Another potential contributor of magnetic fields on TTSs is dynamo. According to

Shu (1992), there are four elements needed for a dynamo to generate large scale fields:

(1) pre-existing fields since dynamo action can only amplify existing fields according

to Cowling’s theorem; (2) a mechanism to convert toroidal fields to poloidal fields

such as radial convection; (3) a mechanism to regenerate the toroidal fields from the

poloidal fields such as differential rotation; (4) a process to untangle the tangled field

lines such as magnetic reconnection. Depending on (2) and (3), there are different

types of turbulent dynamo mechanisms such as an αΩ dynamo and an α2 dynamo.

The α-effect refers to a term in Ohm’s law, j = σ(E+ αB). On the best studied star

of all, the Sun, a αΩ dynamo is operating at the interface between the convective

envelope and the radiative core where differential rotation is strongest and magnetic

flux tubes are stable (Parker 1975). However, such an interface dynamo probably

does not exist or at least is very inefficient on TTSs for the following two reasons.

First, as mentioned above, most TTSs are fully convective or mostly convective in the

outer layer, and thus lack of the interface or the interface is buried deep inside the

star. Second, at least some TTSs are likely rigid-body rotators (Johns-Krull 1996;

Kuker & Rudiger 1997), therefore no substantial differential rotation is present. This
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leads authors to seek possible dynamo mechanisms in fully convective stars, one of

which is the α2 dynamo.

The “real α effect” is described by three parameters, α1, α2 and α3 (Krause &

Raedler 1980). α1 corresponds to the α-effect occurring in a homogeneous isotropic

but not mirrorsymmetric turbulence; α2 corresponds to an anisotropy of the α-effect;

α3 describes a transport of magnetic flux like that by a rotational motion. The α2

mechanism corresponds to the case when both the generation of toroidal field from

poloidal field and that of poloidal from toroidal field is due to the α1-effect. Chabrier

& Küker (2006) have carried out 3D MHD computations to investigate the possibility

of generating large scale magnetic fields by a pure α2 dynamo in fully convective stars.

This configuration is able to generate a large-scale, non-axissymmetric, steady field

that is symmetric with respect to the equatorial plane. The generated fields saturate

at the equipartition field strength of several kG. Other efforts have also been made to

model the generation of large scale magnetic fields in fully convective stars (Dobler

et al. 2006; Browning 2008). Similar results are found. kG-strength magnetic fields

are also generated by their models and saturation of generated magnetic fields occurs

at several kG. Moreover, they predict that dynamo action correlates with rotation

rates. However, the large-scale magnetic fields generated are axissymmetirc.

Observationally a positive correlation between stellar rotation and activity is well

established (Pizzolato et al. 2003; Wright et al. 2011). More magnetic activity is

observed on a fast rotating stars while less is observed on slow rotators. This increase

in activity with rotation points to a dynamo origin for the fields. TTSs are gener-

ally rapid rotators and very active X-ray sources with energetic magnetic activities.

However, what kind of dynamo mechanism is responsible for the observed magnetic

field configurations on TTSs still remains unclear.
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The goal of this thesis is to provide more spectropolarimetric observations on

CTTSs, use these observations to probe various properties of the magnetic fields and

add more constraints in our current understanding of the field, its origin and how it

related to the accretion flows on these stars. The thesis is organized as follows. In

Chapter 2, the LSD code we developed is described and tested. In Chapter 3, the

instrumentation that we use in our observations is described. Chapter 4 is about

spectropolarimetry on the CTTS BP Tau. In Chapter 5, magnetic variability is

reported and discussed. Chapter 6 is about to locate the accretion spots on CTTSs.

A summary of the thesis is in Chapter 7.
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Chapter 2

Least-squares Deconvolution (LSD)

Photospheric absorption lines for most all the stars in our study do not show notice-

able magnetic signatures in the Stokes V of a single line, suggesting either there is no

magnetic field at all or the field is so weak that the signatures are completely buried

in the noise of the spectrum. In fact, from the following chapters, the latter is the

case for CTTSs. For a longitudinal magnetic field on the order of 100 G, the strength

of the magnetic signature in Stokes V is about 1% of the continuum. Thanks to

echelle spectrographs, we are able record multiple orders of spectra with thousands of

absorption features covering a wide wavelength range with a single observation. The

LSD method takes full advantage of this rich sample of absorption lines and are able

to increase the signal-to-noise by a magnitude or two in the extracted Stokes profiles

compared to the original.

2.1 Basic Principle

The LSD method makes several assumptions: (1) all spectral lines have essentially

the same intrinsic shape; (2) the local intensity of each line is proportional to line

central depth, d, that is, the lines are all on the linear portion of the curve of growth;

(3) depths of blended lines add up linearly; (4) limb darkening is independent of

wavelength; and (5) the lines satisfy the weak field approximation. Assumptions

(1), (2) and (3) are not applicable to optically thick lines but are reasonably good
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approximations for relatively optically thin lines. Assumption (4) guarantees that

line ratios between any two lines remain the same after integration of the intensity

over the whole star. Assumption (5) yields that the weight for Stokes V spectrum

for each line is proportional to the product of the line wavelength, the mean Landé-g

factor and the line central depth respectively.

We follow the same procedures as described in Donati et al. (1997). Note the

spectra used here have already been normalized to unit continuum. According to the

assumptions above, for a single line,

Y (v) = wZ(v) (2.1)

where Y is the local Stokes I (1-I in practice) or V spectrum, w is the weight for

this line and Z is the intrinsic Stokes I or V profile with the instrumental broadening

included and is the same for all the lines. The weight, w, is d for (1-I) and the product

gλd for V , where λ is the line wavelength, g is the mean Landé-g factor, and d is the

line central depth. For the actual spectrum containing thousands of lines, the Stokes

I or V spectrum is the convolution of the sum of thousands of delta functions with

the intrinsic Stokes I or V profile.

Y (v) =

∫
Z(v − v′)M(v′) dv′, (2.2)

where M(v) =
∑

iwiδ(v − vi). Therefore,

Y (v) =
∑
i

wiZ(v − vi), (2.3)

i.e. Y = M ·Z in matrix format, where Z is a vector to be determined, M is the 2-D

weight matrix weighted by λgd when calculating Stokes V , while the weights are just

d for Stokes I, and Y is a vector of the Stokes I (1-I) or V spectrum. Using linear
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least-squares deconvolution weighted by the uncertainties in the observed spectra, the

solution for this gives the intrinsic Stokes profile as:

Z = (Mt · S2 ·M)−1(Mt · S2 ·Y). (2.4)

The matrix S is diagonal and its elements are the reciprocals of the uncertainties for

the elements of Y. The diagonal elements of (Mt · S2 ·M)−1 are the variance of the

resultant vector Z. Hence the average Stokes I and V spectra will be

I = 1− d̄ZI , V = λgdZV , (2.5)

where bar on the top indicates taking average values over the line list used in the

LSD method. The vector ZI is the intrinsic Stokes I profile and the vector ZV is the

intrinsic Stokes V profile calculated in equation (2.4).

As is described below, we primarily base our signal detection on the significance

of our Bz measurements. In addition, to help quantify the significance of magnetic

signal detection in the extracted LSD Stokes I and V profiles, we use the false alarm

probability (FAP) suggested by Donati et al. (1992) and the same convention as used

by Donati et al. (1997) and Kochukhov et al. (2011): a FAP of less than 10−5 suggests

a definite detection, a FAP of from 10−5 to 10−3 a marginal detection, and a FAP of

larger than 10−3 a null detection.

2.2 Line Selection

The first step in using the LSD method is to create a line list containing the wave-

length, the mean Landé g factors, and the central depths of the lines to be used.

We use the Vienna Atomic Line Database (VALD, Kupka et al. 1999) and pick lines

in the following manner: predicted line depths are greater than 0.2. Lines should
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not be in regions where strong lines (such as Balmer and Ca II H & K and Na I D

lines) or telluric lines appear. Spectral lines of rotating stars such as BP Tau are

rotationally broadened first before picking lines with d > 0.2. VALD does not have

an option to include rotation when estimating the central depth. Therefore, we run

the SYNTHMAG (Piskunov 1999) line synthesis code on each line and rotationally

broaden them and find the theoretical central depth for each broadened line. Since

the weakest lines with d < 0.2 do not contribute much to the spectrum and have

lower signal-to-noise compared to stronger lines, including them primarily consumes

more computer time and can actually increase the noise in the resultant LSD profile.

The handling of the uncertainties is described in §2.3.

2.3 Uncertainties

Uncertainties in the LSD Stokes I or V spectrum determined by propagating through

the uncertainties in the original observed spectra returned by the reduction routine

are much smaller than the standard deviation of the noise in the wings of the final

LSD Stokes spectra where the signal is expected to be constant except for the noise.

In addition, in the far wings (the continuum), the Stokes V spectra are expected to

be zero while the Stokes I spectra should be unity. Explaining the extra apparent

noise in the LSD profiles as due to underestimating the uncertainties in the observed

spectra is ruled out since the standard deviation of the observed continuum in the

original spectra is comparable with the uncertainty estimated for each pixel. This

indicates that there are additional sources of uncertainty present in the final LSD

profile. First, an incomplete line list is used. Though modern atmosphere models

are already very sophisticated and robust, they are not perfect, and the line lists

used to create them inevitably contain errors. There are lines that are in the actual
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spectra but not in the line lists and vice versa. The lines we adopted have limits on

their central depth, which exclude the weakest lines that have a chance of blending

with the lines actually used. Second, though related, line lists from VALD and the

spectrum synthesis from SYNTHMAG do not reproduce perfectly the line depths in

the observed spectra. An implicit assumption in all LSD analysis is that these linelist

errors are averaged out by using several hundred to a few thousand lines. Third, many

of the LSD assumptions made are not strictly valid. Intrinsic line profile shapes can

differ from one line to another. Kochukhov et al. (2010) assessed the validity of

the line self-similarity assumption and found a discrepancy between the line profiles

from a detailed spectrum synthesis calculation. With a spectral resolution of 60,000,

the discrepancy is greater than 10% for the lines with central depths greater than

40%. Fourth, instrument resolution is not infinite. We are using a high resolution

instrument with a two-pixel resolution of R = λ/δλ ≈ 60, 000, about 5.0 km/s in

velocity space. Finally, limb darkening can vary with wavelength. As a result of all

these potential sources of error, we elect to use the standard deviation of the noise in

the final LSD Stokes spectra as the uncertainties appropriate for the Stokes profiles

when determining the field strength. This enables us to include contributions to the

uncertainty from the additional sources mentioned above.

2.4 Center-of-gravity Method and Integral Method

Now that we are able to extract LSD Stokes I and V profiles with much enhanced

signal-to-noise compared to the original spectrum, we are able to detect weak signals

in the extracted LSD Stokes V profiles. Here we discuss the methods that can be

used to translate these magnetic siganitures into mean longitudinal magnetic field

measurements.
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The Center-of-gravity (COG) method (Mathys & Lanz 1992) calculates the av-

erage line center wavelength, or velocity, weighted by the local line depth across a

proper wavelength or velocity range:

xcog =

∫
x[1− I(x)] dx∫
[1− I(x)] dx

, (2.6)

where x can be λ or v, and I can be replaced by R or L to get the center of gravity

in either the right or left circularly polarized spectrum. We can construct LSD right

and left circular polarized spectra by adding and subtracting the average LSD Stokes

I and V spectra,

R = I + V, L = I − V. (2.7)

From the right and left circular polarized spectra R and L, we can then use the COG

method to calculate the line center wavelengths, λr and λl, or velocities, vr and vl,

and then use the following to calculate the mean longitudinal field Bz:

∆λ = λr − λl = 2× e

4πmec2
λ̄2ḡBz = 9.34× 10−13λ̄2ḡBz, (2.8)

or

∆v = vr − vl = 2× e

4πmec
λ̄ḡBz = 2.80× 10−7λ̄ḡBz, (2.9)

where wavelengths, λ, are in Å, velocities, v, are in km/s, and the field, Bz, is in G.

The so-called “integral method” is equivalent to the COG method as long as∫
[1−R(x)] dx =

∫
[1−L(x)] dx =

∫
[1−I(x)] dx, which is valid when the assumptions

(1), (2), (3), and (5) hold (Mathys 1989). Then

Bz = −4πmec
2

eλ̄2ḡ

∫
λV (λ) dλ∫

[1− I(λ)] dλ
= −2.14× 1012

λ̄2ḡ

∫
λV (λ) dλ∫

[1− I(λ)] dλ
, (2.10)

or

Bz = −4πmec

eλ̄ḡ

∫
vV (v) dv∫

[1− I(v)] dv
= −7.14× 106

λ̄ḡ

∫
vV (v) dv∫

[1− I(v)] dv
, (2.11)
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where wavelengths, λ, are in Å, velocities, v, are in km/s, and the field, Bz, is again

in G. In practice we calculate Bz in discrete velocity space. Assuming the bounds of

the integration are pixel m (lower bound) and pixel n (upper bound), we then have

the integral method in the form as follows:

Bz = −7.14× 106

λ̄ḡ

n∑
i=m

viVi

n∑
i=m

(1− Ii)
, (2.12)

σBz = |Bz|

√√√√√√√
n∑

i=m

v2i σ
2
V i

|
n∑

i=m

viVi|2
+

n∑
i=m

σ2
Ii

|
n∑

i=m

(1− Ii)|2
, (2.13)

where Bz and σBz are the mean longitudinal field and its uncertainty in gauss re-

spectively, σIi and σV i uncertainties of the Stokes I and V profiles, wavelength λ in

Å, and velocities, v in km/s. Since the integral method and the COG method give

nearly identical results, and the former is widely being used by peers in the field, we

do not discuss the COG method any further. The integral method is used in all the

cases for the rest of this thesis.

2.5 Test of the LSD Code

Kochukhov et al. (2011) present their spectropolarimetric study on several active

cool stars including ϵ Eri. The authors used the LSD code of Kochukhov et al.

(2010)to analyze spectra of this star which was observed over the course of 11 nights.

Kochukhov et al. (2011) plot LSD Stokes profiles for 3 of these nights, and they also

find that the mean longitudinal magnetic field of ϵ Eri varies between −5.8 ± 0.1 G

and 4.7 ± 0.1 G over these 11 nights. As a test of our LSD code, we have used the

same observations (same reduced spectra, see Kochukhov et al. (2011) for details)
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and line list (provided by O. Kochukhov) to extract the LSD Stokes profiles using

our code.

Figure 2.1 : Comparison between the LSD Stokes I and V and null (N) profiles of ϵ
Eri by Kochukhov et al. (2011) (black) and this work (red) using the same data set
and the same line list. The agreement between the two are quite good.

Figure 2.1 shows a comparison between our results and those of Kochukhov et al.

(2011). We also find that the mean longitudinal field varies between −5.5 ± 0.1 G

and 4.4± 0.1 G over the course of the 11 nights. We also analyse the null spectrum

(see below) from each of the 11 nights and find longitudinal field strengths that range

from −0.3±0.2 G to 0.5±0.2 G, and which are consistent with zero field detection on

each night as expected. The agreement between results obtained with our code and

that of Kochukhov et al. (2011) is quite good, suggesting that our LSD code behaves
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similarly to current state of the art LSD codes.
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Chapter 3

Instrumentation

3.1 Setup

The instrument we use to collect spectropolarimetric data are the Zeeman analyzer

(ZA) and cross-dispersed coudé echelle spectrometer (2dcoudé, Tull et al. 1995) at

the 2.7m Harlan J. Smith Telescope at McDonald Observatory. The ZA system

was developed by Vogt et al. (1980) and originally used to search for fields on cool

main sequence stars. The basic ZA system remains the same, but its usage now

with 2dcoudé has been described in detail by Johns-Krull et al. (1999a), Daou et al.

(2006) and Yang et al. (2007), where it was shown that the ZA system delivers

ploarization measurements in excellent agreement with previous results. Here, we

only summarize the basics of how circular polarization observations are made. The

incoming light beam, first corrected by a Babinet-Soleil phase compensator to reduce

the spurious linear polarization produced by the flat bounces in the coudé mirror

train, goes through the ZA and is split into two beams, a left circularly polarized

component, L, and a right circularly polarized one, R. The two parallel beams

enter the spectrometer slit with a width of 1.′′19. Two copies of the spectrum are

simultaneously recorded on a 2080 × 2048 CCD with a two pixel resolution of R =

λ/∆λ ≈ 60, 000. For each night, one or two pairs of exposures were taken for each

target. Between each exposure, an achromatic 1/2 wave plate is placed in front of

the Babinet-Soleil phase compensator to reverse the sense of circular polarization of



25

the two beams. The purpose of taking pairs of exposures for each object is to cancel

out potential systematic effects such as the possible existence of spatial shifts on the

detector due to any tilt between the slit and the CCD. Taking two pairs of exposures

(4 total exposures) additionally provides a null check on our instrumentation and

methods (see §3.4 for details). Using a pair of exposures introduces the possibility

of a temporal drift in the wavelength scale from one exposure to the next; however,

averaging only two observations cancels out such a drift to first order and still provides

useful polarization measurements (e.g. Donati et al. 1997).

3.2 Observations and Data Reduction

We obtained optical polarized spectra using the instrument setup describe above at

the 2.7m Harlan J. Smith Telescope at McDonald Observatory. To carry out differ-

ent tests of the system, 53 Cam was observed on 20 April 1999 to study polarization

efficiency, while ξ Boo A is observed from 20 April 1999 to 26 April 1999 to study

the zero point. In addition to ξ Boo A, more data were collected for the Sun, Arc-

turus, and 61 Cyg A to perform the null test. Details of these observations including

observing dates and times (UT), number of exposures, S/N per pixel, and noise level

are given in Table 3.1.

3.3 Polarization Efficiency

53 Cam is among the best studied Ap Stars with known periodic variations in its

longitudinal field strength (e.g. Bagnulo et al. 2001)and has been used to test the

efficiency of the ZA used with 2dcoudé before (Daou et al. 2006). We have one

observation of 53 Cam on Apr 20, 1999 composed of one pair of exposures (one

without the 1/2-wave plate in place, and the second with it in place) which is suitable
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Table 3.1 : Journal of observations.

UT UT Julian Date Expo NoiseLSD

Star Date Time (2400000+) Nexp Time (s) S/N (×10−4Ic)

Sun 11/24/1997 03:28 50776.644 2 900 300 2.7

Arcturus 12/01/1998 12:42 51179.029 2 10 700 2.4

61 Cyg A 04/20/1999 11:31 51288.980 4 1100 1000 1.8

04/25/1999 11:31 51293.980 4 1320 900 1.7

04/26/1999 11:39 51294.985 2 940 600 2.2

ξ Boo A 04/20/1999 07:50 51288.826 4 800 1000 1.9

04/21/1999 10:17 51289.928 4 860 1000 1.4

04/22/1999 11:17 51290.970 4 1030 1000 1.5

04/23/1999 10:13 51291.926 4 1450 1200 1.3

04/25/1999 03:52 51293.661 4 3000 1200 1.1

04/26/1999 10:23 51294.933 4 2600 1200 0.97
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for obtaining reliable polarization measurements (e.g. Donati et al. 1997). Phasing

this observation according to the ephemeris of Hill et al. (1998):

JD = 2448498.186 + 8d.02681E, (3.1)

we compute a phase of 0.657, at which time the mean longitudinal field is expected

to be −3.75 kG according to the magnetic curve from Bagnulo et al. (2001) shown as

a solid line in Figure 3.1.

We constructed a list of 530 lines from VALD and used our LSD code to extract

the intrinsic Stokes I and V profiles, which then are used to calculate the mean

longitudinal field using the integral method. The mean longitudinal field we measure

is −3.65 ± 0.08 kG, which is consistent with the published ephemeris. As shown in

Figure 3.1, this result, plotted as a filled square, lies right on the magnetic curve. The

uncertainty is relatively small so the error bar is buried in the symbol.

However, one concern about applying the LSD method to 53 Cam is that the weak

field approximation LSD methods rely on is not valid for this star according to Wade

et al. (2000b), who pointed out that there is an upper limit of around 1 kG for the

weak-field regime on Ap Stars. Therefore, we then used a method that does not rely

on this approximation, the integral method. We manually picked 18 spectral lines that

appear well isolated and which are listed in Table 3.2 and used the integral method on

these individual lines to measure Bz. The results from these individual lines were then

averaged to obtain a final Bz measurement of −4.6± 0.4 kG. This result is plotted in

Figure 3.1 as a filled circle. Due to its relatively large uncertainty, this measurement is

less than 2 σ away from the curve, and is therefore consistent with both the expected

value from the magnetic curve and the result from the LSD method. Also plotted are

measurements from several previous studies, and these are also consistent with our

measurements. These measurements indicate that the polarization level we find from
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Figure 3.1 : Longitudinal magnetic field measurements of 53 Cam. Different symbols
represent different measurements by previous studies: triangle: Preston & Stepien
(1968); open circles: Borra & Landstreet (1977); empty star: Hildebrandt et al.
(1997); empty diamond: Hill et al. (1998); open square: Wade et al. (2000a); upside
town triangle: Bagnulo et al. (2001); filled circle: our result, −4.5± 0.4 kG using 18
lines with COG method; filled square: our result, −3.65±0.08 kG using LSD method
with the integral method (the error bar is buried in the symbol itself). The solid line
is the published ephemeris from Bagnulo et al. (2001). As is shown, our result is very
consistent with other measurements.

our instrument is in good agreement with previous studies. Similarly good agreement

for the instrumentation we use was found by Daou et al. (2006). This suggests that

the ZA used with 2dcoudé yields reliable measurements when circular polarization

is present. Clearly, there is no evidence that the ZA suffers substantial polarization

inefficiency which would produce substantial underestimates in the field.
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Table 3.2 : Line list for 53 Cam

ElmIon wavelength (Å) Landé-g factor ElmIon wavelength (Å) Landé-g factor

Ti 2 4395.03 1.07 Fe 1 5281.79 1.18

Cr 2 4558.65 1.16 Cr 2 5313.56 1.03

Cr 2 4565.74 0.72 Cr 2 5334.87 0.41

Cr 2 4588.20 1.06 Ti 2 5418.75 1.04

Fe 1 5065.02 0.87 Fe 2 5432.97 0.29

Fe 2 5169.03 1.33 Ca 1 5594.46 1.16

Ti 2 5185.90 0.89 Fe 1 5615.64 1.19

Fe 2 5197.58 0.67 Si 2 5978.93 1.17

Fe 2 5234.62 0.87 Fe 2 5991.38 0.80
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3.4 Main Sequence Cool Stars and Null Tests

As an additional test of our instrumental setup, we observed a few cool stars in ad-

dition to BP Tau and 53 Cam. While some cool stars have had polarization signals

detected on them, they are generally quite weak, and are expected to be much less

than the signals we are looking for on BP Tau and also much less than the uncer-

tainties we expect for the field measurements on BP Tau due to the faintness of this

T Tauri star. As a result, the cool stars serve largely as null tests to ensure that

our instrumental setup and analysis procedure does not produce strong spurious po-

larization measurements. The log of observations for these stars is given in Table

3.1.

As described in for example Donati et al. (1997) and Bagnulo et al. (2009), accu-

rate polarization measurements can generally be made by taking a pair of observations

in which the sense of polarization in the two beams is reversed as described in §3.1. If

2 pairs (4 exposures) are obtained, accurate polarization measurements can be made,

and the data from the 4 exposures can also be combined in such a way as to provide

a null spectrum which should yield zero polarization signal even when one is really

present in the data. For some of our cool star exposures we obtained 2 pairs of ex-

posures, and for others we obtained only 1 pair. We begin by looking at ξ Boo A

(G8V), a cool star that has been studied extensively using polarimetry (Borra et al.

1984; Hubrig et al. 1994; Plachinda & Tarasova 2000; Petit et al. 2005; Morgenthaler

et al. 2012), and one for which we have 2 pairs of observations covering a total of 6

nights. From each subexposure we get a pair of spectra, one left circularly polarized

spectrum (L) and one right circularly polarized spectrum (R) or position-wise one

top (T ) and one bottom (B) on the CCD detector; between two subexposures an

achromatic 1/2 wave plate is taken in/out to reverse the sense of circular polarization
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(exposures were made in the order of out, in, in, out for the 1/2 wave plate). We can

then combine the exposures to estimate Stokes V using:

4V = (R1− L2) + (R2− L1) + (R3− L4) + (R4− L3) (3.2)

or equivalently

4V = (T1− T2) + (B2−B1) + (T3− T4) + (B4−B3). (3.3)

Forming Stokes V in this way, we then used our LSD code to extract the mean

Stokes V profiles for each night of observation of ξ Boo A and measured the mean

longitudinal field value using the integral method. We have performed LSD analysis

with velocity bins of 2 km/s. The LSD Stokes I, V , and null (see below) profiles are

shown in Figure 3.2, and the resulting Bz and null field measurements are given in

Table 3.3.

Equations 3.2 and 3.3 give the Stokes V spectrum; however, the data can be

combined as follows to generate a null Stokes spectrum:

4N = (R1− L1) + (R2− L2)− (R3− L3)− (R4− L4). (3.4)

or

4N = (B1− T1)− (B2− T2) + (B3− T3)− (B4− T4). (3.5)

When analyzed with the LSD code in the same way as the Stokes V spectrum, the

null should give no signal and no significant Bz measurement. Table 3.3 includes the

results for such null tests along with the field measurements for ξ Boo A, and the null

profiles are shown in Figure 3.2.

All the null measurements are consistent with zero within the 3σ limit. The FAP

values of these null profiles indicate similar results: no signal is detected for the
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Table 3.3 : Measurements on Sun, Arcturus, 61 Cyg A and ξ Boo A

JD Null Field

Star (2400000+) (G) N FAP G V FAP

Sun 50776.644 — — -2 ± 5 0.003

Arcturus 51149.029 — — -11 ± 4 1.0 ×10−8

61 Cyg A 51288.980 11 ± 3 7.0×10−11 -8 ± 5 6.5 ×10−9

51293.980 5 ± 2 3.1 ×10−6 -10 ± 2 1.7 ×10−10

51294.985 — — -5 ± 3 0.00

ξ Boo A 51288.826 10 ± 7 0.30 -7 ± 5 0.020

51289.928 3 ± 5 0.085 -15 ± 6 0.0018

51290.970 -8 ± 6 0.26 -10 ± 6 0.84

51291.926 -5 ± 5 0.32 -6 ± 4 9.7 ×10−4

51293.661 14 ± 5 1.5 ×10−9 0 ± 4 0.088

51294.933 -11 ± 4 3.6 ×10−4 16 ± 3 0.00
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Figure 3.2 : LSD Stokes I and V and null profiles of ξ Boo A with 2 km/s bins.
Observation UT dates and Bz measurements in G are shown as text in the plots.
The bold vertical lines indicate the boundaries of Stokes profiles used for integration.
Stokes V and null profiles have error bars plotted to the upper left of every single
profile.

first four nights, while there is one detection on Apr 25th, 1999 and one marginal

detection on the following night. These are likely spurious signals. However, these

spurious signals likely do not pose any problem in establishing the zero point for BP

Tau since they would be completely buried in the noise of its spectra and remain

undetected: the highest amplitude of these spurious signatures is 5×10−4Ic while the

noise level for the BP Tau LSD profiles are in the order of 10−3Ic. Secondly, the most

accurate observations of this star are those of Petit et al. (2005) and Morgenthaler

et al. (2012) where values of Bz range from −3 G to 22 G with a typical value being
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∼ 8 G. Our measurements contain only one actual detection at greater than the 3σ

level (16± 3 G) that is fully consistent with previous results.

In addition to ξ Boo A, we also observed the Sun (by observing the asteroid

Vesta), Arcturus, and 61 Cyg A. In the case of the Sun and Arcturus, and one of

the observations of 61 Cyg A, only one pair of spectra were obtained. However,

since the true polarization of these stars is expected to be quite small, we can still

analyze these stars and verify that indeed our recovered signals are small or zero

within the uncertainties. This method of verifying there are no significant sources

of spurious polarization signals is often used by investigators in the field (Donati

et al. 1997; Wade et al. 2000b, e.g.). The Sun and Arcturus were both observed

by Wade et al. (2000b) with no detection of polarization at levels below our final

uncertainties. The K5V star 61 Cyg A has been studied by Tarasova et al. (2001)

who measure a maximum magnitude for the longitudinal field of Bz = −13.8 ± 3.2

G. Most of their 12 observations of this star were consistent with zero field with

uncertainties typically of 2-3 G. Our field measurements for these 3 stars are given

in Table 3.3 where the Bz measurements are quite low and mostly consistent given

our observational uncertainties. On two nights, we have 2 pairs of observations for

61 Cyg A and so are able to also form a null spectrum, which are also reported in

Table 3.3. The FAP indicates that weak spurious signals do exist in the spectra of

these two nights. However as discussed above in the case of ξ Boo A, the spurious

signals are again quite weak and would be undetectable in the spectra of BP Tau. All

three of these test stars are very slow rotators and their lines are unresolved at the

observed resolution. Therefore, to judge the level of uncertainty errors in establishing

the zero point of the velocity scale may produce in our longitudinal field analysis, we

can simply look at the strength of the Bz measurements derived from the null spectra.
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These are generally 10 G or lower, and again all but one is consistent with 0 field

within the measured uncertainties. Such a small zero point offset does not affect the

derived uncertainties in our BP Tau measurements which are considerably larger due

to the lower signal-to-noise of these data. All these tests on cool stars suggest that

our instrumental setup and analysis technique are generally robust enough against

spurious polarization signals in Stokes V that are strong enough to affect our study

on BP Tau. They also suggest that our estimated uncertainties are realistic. We

perform one final test of this with data from BP Tau described in Chapter 4.
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Chapter 4

Spectropolarimetry of the Classical T Tauri Star

BP Tau

4.1 Observations and Data Reduction

Spectropolarimetric data of our target for this Chapter BP Tau are collected at at

the 2.7m Harlan J. Smith Telescope at McDonald Observatory from UT date 1998

November 26 to 1998 December 1, using the instrument setup described in §3.1.

Details of these observations including observing dates and times (UT), number of

exposures, S/N per pixel, and noise level are given in Table 4.1.

Part of the analysis presented below also utilizes a higher spectral resolution obser-

vation of the K7V star 61 Cyg B, also obtained with 2dcoudé on the 2.7m telescope.

For this observation, the CCD was placed at the F1 focus of the instrument where a

0.′′59 slit yielded a spectrum with a resolution of R = 121, 000 with 4.65 pixels per

resolution element. The ZA system was not in place while 61 Cyg B was observed

at this higher resolution. This observation also appears in Table 4.1; however, only

Stokes I was recorded on this date (25 November 1998). The data reduction, in-

cluding the wavelength calibration, was performed in the same manner as described

above for the lower resolution spectra. The analysis of this data concentrates on the

magnetically senstive Fe I line at 8468.40 Å. The final spectrum in this region has a

continuum signal-to-noise of ∼ 250 for this spectrum of 61 Cyg B.
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Table 4.1 : Journal of observations.

UT UT Julian Date Expo NoiseLSD

Star Date Time (2400000+) Nexp Time (s) S/N (×10−4Ic)

BP Tau 11/26/1998 05:19 51143.722 2 3600 50 27

11/27/1998 03:05 51144.628 2 6700 60 30

11/28/1998 03:21 51145.647 2 6000 60 20

11/29/1998 03:15 51146.635 2 6000 50 34

11/30/1998 04:05 51147.670 2 6000 40 33

12/01/1998 03:27 51148.644 2 5000 70 20

61 Cyg B 11/25/1999 02:25 51507.601 2 900 250 —

4.2 Photospheric Measurements for BP Tau

We follow the precedures described in Chapter §2 to measure the mean longitudinal

magnetic field on BP Tau. A total of 375 lines with central depths greater than

0.2 (after rotationally broadening) were chosen. Regions with too many strong lines

blended together are also excluded. Including the strongly blended regions introduces

more noise in the derived LSD profiles. Figure 4.1 shows the obtained LSD Stokes

I and V profiles which are scaled to the mean values of the wavelengths, Landé-g

values and central depths of the lines used (6072.5 Å ,1.34 and 0.420, respectively).

The results are included in Table 4.2 and also Figure 4.2.
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Figure 4.1 : LSD Stokes I and V profiles of BP Tau with 2 km/s bins. Observation
UT dates and Bz measurements in G are shown as text in the plots. The bold vertical
lines indicate the boundaries of Stokes profiles used for integration. Stokes V profiles
have error bars plotted to the upper left of every single profile.
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Figure 4.2 : Mean longitudinal magnetic field measurements on BP Tau in three
different diagnositics. The bottom panel shows the average of the two members of
the Ca II triplet.
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Since we have only one pair of observations of BP Tau on each night, we can

get reliable polarization measurements (e.g. Donati et al. 1997; Bagnulo et al. 2009),

but we are not able to recombine the right and left components to get a proper

null spectrum to analyze. However, we can still perform a null test using telluric

lines observed in the spectrum. Telluric lines are not expected to show any circular

polarization due to the weakness of the Earth’s magnetic field. Thus, we can analyze

these lines in exactly the same way as we analyze the stellar lines to provide a check

on potential spurious polarization signals. In addition, this has the advantage that we

combine the spectra in exactly the same way as we do when analyzing the stellar lines,

where as the null spectra discussed in §3.4 are combined differently than in the case

for the true polarization measurement. For this telluric test, we constructed a line

list of 40 lines spanning the wavelength range 6800 – 7700 Å. The line depths (needed

for the LSD analysis) assigned to each line are the actual depths in the observed

spectra. In addition, we need to assign a Landé-g value for the lines to convert our

measurements into a longitudinal field value. We assign the same Landé-g value to

each of the telluric lines, using the mean Landé-g determined from the photospheric

absorption lines used to analyze BP Tau. We then use our LSD code to analyze these

telluric lines and determine Bz values in the same way as done for the photospheric

lines. These telluric null field values are reported in Table 4.2. The resulting Stokes

I and V profiles are shown in Figure 4.3.

The measured Bz values are small and within 1σ of 0 G and the false alarm

probabilities are all greater than 10−3, indicating again that the instrument does not

generally produce spurious polarization signals that affect our BP Tau observations

and that our uncertainty estimates are appropriate. The reader will note that the

uncertainty estimates from these telluric lines are generally smaller than those deter-
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Figure 4.3 : LSD Stokes I and V profiles of BP Tau telluric lines with 2 km/s bins.
Observation UT dates and Bz measurements in G are shown as text in the plots.
The bold vertical lines indicate the boundaries of Stokes profiles used for integration.
Stokes V profiles have error bars plotted to the upper left of every single profile.

mined from analyzing the photospheric lines, even though there are more lines used

in the photospheric analysis compared to the telluric analysis. The reason for this is

that most of the photospheric lines used are fairly weak, and so add relatively little

to the sensitivity, while the telluric lines are all quite strong and therefore provide

much greater sensitivity.
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4.3 Emission Lines

Emission lines of T Tauri Stars often show strong polarization, which is also the case

for BP Tau (e.g. Johns-Krull et al. 1999a). Shifts between left and right circularly

polarized spectra are clearly seen. Our observations cover three strong emission lines,

He I (5876 Å) and Ca II (8498 Å and 8542 Å) that are known to show polarization.

These three lines are often characterized as having a broad component and a narrow

component (e.g. Edwards et al. 1994; Batalha et al. 1996). The two Ca II lines

display broad photospheric absorption components with emission in the core, while

the He I line has a broad emission feature with additional narrow emission on top

of this. We extract the narrow components by first fitting second order polynomials

to the broad features and subtract them from the original observed spectra (Figure

4.4). Figure 4.5 shows the Stokes I and V profiles of the narrow components of these

three emission lines. We then use the integral method (e.g. Donati et al. 1997; Wade

et al. 2000) to calculate the mean longitudinal fields from these profiles. Results are

given in Table 4.2 and shown in Figure 4.2.

4.4 Discussion

Zeeman broadening measurements of the mean magnetic field strength on the stellar

surface are available for many TTSs, including BP Tau. Strong, kilogauss fields

have been widely detected on these TTSs. Table 3 in Johns-Krull (2007) lists mean

magnetic field measurments for 15 TTSs, most of which are above 2 kG. In the case

of BP Tau, the mean field strength is 2.1 kG. Similar studies have been carried out

by several other authors as well (e.g. Yang et al. 2008, Yang and Johns-Krull 2011)

and similar results are obtained. Zeeman broadening measurements provide limited



44

Figure 4.4 : Sections of observed spectra for three different emission lines, He I 5876
Å and Ca II 8498 Å and 8542 Å . Solid histograms are the right circularly polarized
components, and dashed histograms are the left circularly polarized componenets.
The solid line is a second polynomial fit to the broad components (BC) of these lines.

information on the magnetic field geometry. Spectropolarimetry studies can provide

geometric information, though they provide only a lower limit to the mean field

strengths. From our high-resolution (R ≈ 60,000) right and left circularly polarized

spectra taken on six consecutive nights which cover almost an entire rotational period

(8.31 days for BP Tau, Xiao et al. 2012), we measured the mean longitudinal magnetic
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Figure 4.5 : Stokes I and V spectra for the narrow components of emission lines of
BP Tau, He I 5876 Å (left two), Ca II 8498 Å and 8542 Å averaged (right two).

field on BP Tau. No fields with a magnitude greater than 370 G are found from

the photospheric lines, while fields measured from the three emission lines are much

higher, on the order of a kG or more.

Spectropolarimetry studies of the mean longitudinal magnetic fields of BP Tau

and other CTTSs have been carried out in the past. A common conclusion from the

work here and in many of these studies is that mean longitudinal fields measured

from emission lines and mean fields measured by using Zeeman broadening of photo-

spheric lines are very strong, on the order of several kG; while measurements of mean

longitudinal fields from photospheric lines are significantly weaker. Johns-Krull et al.

(1999a) studied BP Tau, and from the He I 5876 Å emission line they measured a field
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stronger than 2 kG. They also used 4 unblended magnetically sensitive Fe I lines and

found a mean longitudinal photospheric field of −40±50 G so fields stronger than 200

G were ruled out at the 3 σ level. Valenti & Johns-Krull (2004) studied four TTSs

(AA Tau, BP Tau, DF Tau and DK Tau), and again kilogauss fields are detected in

the emission line regions (He I 5876 Å) while from photospheric lines most of the field

measurements are around 100 G (see their Figure 5 and Figure 6) or less. Symington

et al. (2005) studied the same emission line (He I 5876 Å) on seven TTSs, three of

which (BP Tau, DF Tau and DN Tau) had strong fields detected. On BP Tau they

detected a peak field of 4.4 ± 1.2 kG. Yang et al. (2007) observed the CTTS TW

Hydrae on 6 nights. In their analysis, they used 12 isolated photospheric absorption

lines with relatively large Landé g-factors and cross-correlated their left circularly

polarized and right circularly polarized line profiles to measure the separation and

then the longitudinal fields, which were averaged to get the final longitudinal field

measurements. Except on one night where they obtained a field of 149 ± 33 G, no

mean longitudinal fields stronger than 100 G were found with a typical uncertainty

of 50 G. However, polarization was clearly found in the emission lines He I (5876 Å)

and Ca II (8498 Å), which yielded a weighted mean field of −1673± 50 G for the He

I line and −276 ± 19 G for the Ca II line. An interpretation of these results is that

small scale strong magnetic fields are present on the surface of these TTSs. How-

ever, integrating over the whole stellar surface cancels out much of these small scale

strong fields, leaving only a significantly reduced longitudinal field as diagnosed by

the photospheric absorption lines. For the emission lines showing strong polarization,

their formation regions are believed to be the base of the accretion footpoints which

cover only a small fraction of the stellar surface, allowing these emission lines to show

very strong polarization, indicative of the smaller scale field. This is consistent with
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modified versions of magnetospheric accretion models (e.g. Mohanty 2009). It is

clear that spectropolarimetric observations are inconsistent with a purely dipole field

geometry aligned with the stellar rotation axis (Johns-Krull et al. 1999a; Daou et al.

2006; Yang et al. 2007; Donati et al. 2007, 2008, 2010).

4.4.1 Mean Longitudinal Field

As already mentioned above, with one observation, Johns-Krull (1999a) used four

unblended magnetically sensitive Fe I lines which form over the entire stellar surface

and measured a mean longitudinal field of −40 ± 50 G so fields with a magnitude

larger than 200 G were ruled out at the 3 σ level for this one particular observation.

Valenti & Johns-Krull (2004) reported similar results. On the other hand, Donati

et al. (2008) analyzed two sets of time series of spectropolarimetric observations

of BP Tau (full phase coverage for one set and almost full phase coverage for the

other, 17 observations in total) and measured photospheric fields ranging from -60

G to -600 G with uncertainties ranging from 40 G to 140 G, using a similar LSD

technique as described in this paper. They used a total of 9400 lines with central

depths greater than 0.4 when no non-thermal broadening mechanism is present. While

there is a discrepancy between the interpretation of Donati et al. (2008) and Johns-

Krull et al. (1999a), the observations themselves are fully consistent with each other

given the quoted uncertainties and the variations reported by the former. Donati et

al. (2008) argue that the different interpretations might result from either temporal

variations of BP Tau (data for Johns-Krull et al. (1999a)) were taken in 1997 and

the two sets of data for Donati et al. (2008) were taken in 2006, with one set in

February and the other in November and December) or the use of cross-correlation

methods by Johns-Krull et al. (1999a), which Donati et al. (2008) argue tend to
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underestimate both the mean longitudinal fields and the error bars, instead of the

integral method or equivalents as used in Donati et al. (2008). In this paper, our

observations were taken on six consecutive nights in 1998, covering almost a full

rotation, and a similar LSD method as used by Donati et al. (2008) is used to

extract the Zeeman signatures. We find mean longitudinal fields with magnitudes no

greater than 370 G, with uncertainties below 100 G. These results tend to agree with

Johns-Krull et al. (1999a) better than they do with Donati et al. (2008). Therefore,

using cross-correlation methods is probably not the main reason why the two sets of

measurements appear different, though as mentioned above, the measurements are in

fact not necessarily inconsistent with each other.

Donati et al. (2008) assumed an inclination of 45◦ for the rotation axis of BP Tau

in their analysis of the star. The measurements of Bz from the photospheric lines

reported here can be fit with a model of a dipole magnetic field with the dipole axis

misaligned with respect to the stellar rotation axis. As described below, the dipole

component is by far the dominant contributor to the net field on the stellar surface,

and Donati et al. (2008) find a strong dipole component on BP Tau. If the stellar

inclination of 45◦ is adopted, the simple misaligned dipole model yields the fit shown

by the solid line in Figure 4.6. Marquardt method (Bevington & Robinson 1992) is

used in this fit. Here, the dipole axis is tilted at an angle of 137◦ ± 10◦ with respect

to the rotation axis and the polar field strength is 1050± 220 G.

The above fit assumes that the entire stellar surface contributes to the value of

Bz determined from the photospheric absorption lines. However, it is likely that

not all of the stellar photosphere actually contributes to the lines we observe. Dark

star spots and accretion hot spots are generally believed to not contribute to optical

photospheric absorption lines because in the first case, for cool spots, the local surface
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Figure 4.6 : Dipole fittings with (dashed line) and without (solid line) a spot to the
time series of our photospheric measurements (crosses with error bars) of BP Tau.

flux on the star is simply too faint relative to the non-spotted regions, and in the

second case, the temperature in the accretion zones is too hot (∼ 104 K or more) to

produce the same photospheric lines seen from these cool stars. For example, Donati

et al. (2008) assumed that the photospheric lines form only from the non-accreting

regions of the stellar surface which they took to be coincident with the spotted regions

of the star. Such an accretion zone can affect the photospheric value of Bz that a

model predicts since some (magnetic) regions of the star will not contribute to the

spectral lines from which Bz is measured. For a dipole field geometry, a spot at

the magnetic pole will have the largest impact since it will block the regions of the

star with the strongest local field from contributing to Bz. We gauge the potential
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magnitude of this effect of removing some portion of the photosphere that contributes

to the absorption line profiles on the resulting Bz values by repeating the fit above,

but this time including a dark spot on the magnetic poles which covers 5% of the

projected stellar surface (this blockage of the stellar photosphere in terms of the effect

on photospheric line profiles can be compared to the 2% accretion filling factor derived

by Donati et al. (2008) or the 6.4% accretion filling factor found by Valenti et al.

1993). This new model fit is shown in Figure 4.6 in the dashed line. The parameters

of the fit ( dipole field strength of 1200±260 G with a tilt angle also of 136◦±10◦ ) are

very similar to those derived without the spot, due simply to the fact that accretion

zones on CTTSs cover a relatively small portion of the stellar surface. Both dipolar

field models yield similar mean fields of about 900 G, which is inconsistent with

the observed 2.1 kG mean field. It is almost certain at this point that the surface

field configurations on BP Tau as well as many, or even all other, CTTSs are not

purely dipolar. More complicated field geometries could be similar to the small-scale

structures dominating at the surface of the Sun, which can be expanded to different

order components such as dipole, quadrupole, octupole, etc. However, higher order

magnetic field components fall off more rapidly with increasing distance from the star

than lower order field components. Therefore, it is quite likely that at the inner disk

edge, which is several stellar radii away from the star, the dipole component is already

dominating, and accretion is still governed by this dipole component. This may well

explain the smooth night-to-night variation of the longitudinal fields measured from

the emission lines found in this and several other studies.

Generally, higher order components from a spherical harmonic expansion con-

tribute much less to the longitudinal field component than lower order terms. For

example, assuming polar fields are all unity in arbitrary units, a dipole field reaches
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its maximum mean longitudinal field strength of 0.324 when viewed pole on assuming

0.6 for the limb darkening coefficient, while the maximum a quadrupole can reach is

0.058 and an octupole 0.022. Therefore, if not at some extreme viewing angle, the

information from mean longitudinal field measurements will be dominantly from the

dipole component, which makes time series of mean longitudinal field measurements

a good diagnostic of this component of the field.

4.4.2 Stokes Profile Model Fit

While mean longitudinal field measurements can give some information on the mag-

netic field geometries on stellar surfaces, various more sophisticated field imaging

packages have been developed (Kochukhov et al. 2004, Donati et al. 2007) which try

to fit the actual Stokes V profile. However, these packages have similar requirements

in order to successfully recover a surface field image. First, the object needs to rotate

fast enough so that components on the stellar disk with different projected radial

velocities (shown as stripes on a stellar disk parallel to the projection of the rotation

axis) can be distinguished from each other in the spectra. Since a rotationally broad-

ened line is a convolution of the local intrinsic profile and a rotation pattern, different

segments of the line wings (different wavelength displacements from the line center)

corresponds to components with different projected radial velocities on stellar disk

if the intrinsic profile is sufficiently narrow. Second, high resolution spectrographs

are needed so that different segments of the line profile can be resolved. These two

requirements provide spatial resolution on the stellar disk. Third, the fields should

be stable within the rotation cycles that the observations cover. Fourth, time-series

observations of Stokes profiles (at least Stokes I and V profiles) are available. These

two provide temporal resolution for the imaging process. According to previous stud-
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ies, BP Tau is a moderate rotator with a vsini of about 10 km/s, which is actually low

for Doppler imaging based studies (e.g. Vogt et al 1987). Nevertheless, investigators

have been attempting Doppler imaging based studies on BP Tau and other stars with

similar vsini values. With the high resolution spectropolarimetric data we obtained

which cover almost a full rotation period, we should at least be able to investigate

the plausibility of some of the magnetic models.

The goal then is to model the resulting LSD Stokes I and V profiles. We assume

a Voigt profile for intrinsic local line profile and a Gaussian instrumental broadening

corresponding to the resolution of the instrument used for this study (∼ 60, 000).

We further assume a Zeeman triplet as the splitting pattern for this intrinsic line,

whose wavelength and Landé-g value are set to be 6072.5 Å and 1.34 respectively, the

average for the lines used to construct the LSD profiles (the final LSD Stokes profiles

have been scaled to these same values). For rotational broadening we adopt a v sin i

of 10 km/s. We then perform a fit to the time-series Stokes I profiles to search for

the best values for the free parameters of the Voigt profile along with the relative

veilings for each night. Veiling is a quantity that describes how much the spectrum

of a star, more precisely, the absorption lines, are affected by the contributions to

the stellar continuum by emissions from accretion spots. Higher veiling means more

accretion emission and shallower absorption lines. It can vary from night to night.

We set relative veiling to be zero for the night when the final profile has the deepest

line and then fit the ones for other nights.

Many Zeeman Doppler imaging codes reconstruct a magnetic map for the sur-

face of the star and then fit a spherical harmonic expansion to the resulting image.

Instead, our code first assumes a certain geometry (combinations of different com-

ponents of spherical harmonic expansions such as dipole, quadrupole, octupole) with
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certain parameters (polar field Bp, inclination of the magnetic axis with respect to

the rotation axis, θ, and azimuthal position of the magnetic pole at phase zero ϕ)

and we find the best fit values for these parameters of the spherical harmonics. For a

given set of parameters, Stokes I and V profiles can be computed. We then use the

Marquardt method (Bevington & Robinson 1992) to determine the best values for the

parameters by fitting the extracted intrinsic Stokes I and V profiles for the six nights

shown in Figure 4.1. As a check on whether the code is working properly we com-

pute the mean unsigned field strength and the mean longitudinal field together with

the Stokes profiles. These field values are then compared with the ones determined

from the analytical expressions for multipole field geometries (dipole, quadrupole, oc-

tupole, etc.), using expressions derived in Gregory et al. (2010, see also Schwarzschild

1950).

Donati et al. (2008) carried out a detailed investigation on the magnetic field

geometry on BP Tau. They found that the field topology predominantly consists of a

1.2 kG dipole and a 1.6 kG octupole, both slightly tilted with respect to the rotation

axis, which itself is inclined by 45◦ with respect to the line-of-sight. A dark spot

coincident with accretion shock regions and covering 8% (actually 2% considering an

assumed filling factor of 0.25 – see below) of the stellar surface is present and located

close to the magnetic poles. The concept of a filling factor was introduced to provide

better fits to the wings of the Stokes V profiles. A filling factor of ψ means that only

a fraction, ψ, of the stellar surface is actually covered by magnetic fields and the other

1− ψ of the surface contains no fields and so does not contribute to the polarization

level in Stokes V . During the modeling they found that a filling factor of 0.25 gives a

reduced χ2 of 1, and only filling factors that are significantly smaller than unity are

able to fit the Stokes profiles within the noise level, especially in the far wings. The
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dipole and octupole strengths quoted above refer to the magnetic flux. Thus the field

in these regions must be multiplied by 4 to account for the filling factor.
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We attempted to reproduce this field geometry, but we were not able to obtain a

good fit to our observed Stokes profiles in Figure 4.1 using it: Zeeman signatures in

LSD Stokes V profiles have opposite polarities with a reduce χ2 of 2.795. Therefore,

we perform our own fitting for the parameters described above using our observed

Stokes I and V profiles as constraints. All the results for different models are shown

in Table 4.3 and Figure 4.7. To start with, since a purely dipole model with its axis

aligned with the rotation axis is not able to produce any variation in the observed

Stokes profiles, we first fit the Stokes LSD profiles using a dipole tilted at some angle

(a free parameter) with respect to the rotation axis (Model 1). We allow for a dark

spot on the surface which does not contribute to the total flux at all but find that

the spot size is driven toward 0% of the surface area for the best fit while the Stokes

I profiles are reproduced well. Therefore a spot does not appear to be required to

reconstruct the Stokes I profiles we obtained. The fit for the Stokes V profiles, on

the other hand, is not as good: the profiles of the frst two nights clearly show much

stronger magnetic signatures than those of the following four nights, and the model

tends to fit the latter much better leaving the strong signatures on the far ends of the

wings for the first two nights poorly matched (the model does not produce signatures

strong or broad enough compared to the data - if it did, the polarization near the

center of the line would be much too strong and the fit for the last 4 nights would be

substantially worse). Parameters that directly affect this are the stellar vsini and the

strength of the magnetic field. Since a vsini of ∼ 10 km s−1 or less has been confirmed

by different authors who get consistent values (e.g. Johns–Krull 1999b; Johns–Krull

& Valenti 2001; Donati et al. 2008), it is unlikely that the vsini could be in error (too

low) by enough to remedy this. Another option then is to increase the field strength

present on the star.
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The above solution found the best fit including only a dipole component. One

way to increase the field strength in the fit is to add another higher order field com-

ponent such as quadrupole, octupole, or higher order field. Higher order fields tend

to generate magnetic signatures further in the wings and contribute less to the mean

longitudinal field than a dipole with a similar polar field strength. Since Donati et al.

(2008) found predominantly a dipole and an octupole, we added an octupole compo-

nent to our model (Model 2). Again the best fit spot size is driven toward a filling

factor of 0. Compared with the results of the dipole only fit, the dipole plus octupole

fits Stokes I similarly well, while the signatures in Stokes V are indeed stronger in

amplitude but they still do not extend far enough in the line wings. It is this same

behavior that led Donati et al. (2008) to include a filling factor to the field itself

(see above). In principle, this allows fields with larger strengths to be present on the

stellar surface without increasing the magnetic flux. Since the overall flux can remain

low, there can be minimal affect on Stokes I while the signal in Stokes V can move

further out into the line wings. We tried magnetic filling factors of 25%, 50%, and

75%, obtaining the best fits for 25% as found by Donati et al. (2008). With this filling

factor (Model 3), we recover a much stronger field in the magnetic regions (a 2.5 kG

dipole plus a 5.2 kG octupole which translate to 630 G and 1.3 kG respectively in

terms of magnetic flux once the 25% filling factor is accounted for), and we are able

to reproduce the Zeeman signatures in the far wings. Again, the spot size in drive to

zero.

As discussed above, the success of fitting the LSD Stokes profiles appears to

depend on the inclusion of a filling factor for the large scale magnetic fields. For

example, Donati et al. (2008) use a filling factor of 0.25. We too find a better fit by

assuming a filling factor of 0.25 for the large scale field. A filling factor less than unity
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implies even stronger magnetic fields are present in order to produce a given level of

polarization. For example, Donati et al. (2008) find field strengths extending up to

10 kG in their analysis of BP Tau; however, the fields cannot be arbitrarily strong

and maintain pressure equilibrium with their surroundings. This fact then permits

constraints on the fields present at the surface of the star. Due to their lower surface

gravity, the gas pressure in the photosphere of TTSs can balance only relatively weak

magnetic fields, at least compared to that present on the Sun’s surface (Safier 1998,

1999; Johns–Krull et al. 1999b; Rajaguru et al. 2002). For the case of BP Tau, the

maximum field strength that can be present in the photosphere is ∼ 1.0 kG (Johns–

Krull et al. 1999b) if gas pressure in the surrounding non-magnetic quiet atmosphere

is responsible for maintaining pressure equilibrium with the magnetized regions. This

fact has lead to the conclusion that essentially the entire surface of TTSs must be

confined with strong magnetic fields in order for pressure balance to be maintained

(Safier 1999; Johns–Krull et al. 1999b, 2004; Johns–Krull 2007; Yang et al. 2005,

2008), and Donati et al. (2008) suggest that the atmosphere of BP Tau outside the

25% they find is contributing to the observed polarization is filled with small scale

magnetic fields which can maintain the pressure equilibrium but do not contribute

to the polarization because the small spatial scale results in nearly complete flux

cancellation. Therefore we also tried a model fit where in each surface area element

of the star we included the same 25% containing the large scale field of the dipole

plus octupole components, while in the remaining 75% we assumed there are small

scale magnetic fields which do not contribute to polarization in the Stokes V profiles

but which do produce line broadening that can affect the Stokes I profile (Model

4). It is realized as follows: 25% of a stellar surface grid is covered by a large scale

dipole field and 75% covered by small scale fields; the field strength in the 75% was



60

set equal to the field in 25% so that pressure balance is maintained; when calculating

the contribution of this 75% of the grid to the final right and left circularly polarized

spectra (R and L), we use the local Stokes I i.e. (Rloc + Lloc)/2 for both R and L

so that it contributes to the broadening of the Stokes I profiles but not the Stokes V

profiles. Compared with Model 3, this model yields lower polar field strengths but the

resulting fits for both Stokes I and V profiles are of similar quality. The mean field

strength from Model 4 is about 1.3 kG. Model 4 produces the overall best reduced

χ2 value of all the models we tried. This model contains a 1.85 kG dipole (magnetic

flux of 0.46 kG) plus a 1.40 kG octupole (magnetic flux of 0.35 kG).

The χ2
r values for all of these models is close to 2 and there is relatively little

difference between them. The fact that these χ2
r values are significantly larger than 1

suggests that either the profile uncertainties have been underestimated or that there

are missing pieces to the model needed to properly fit the data. We have restricted

the model to only two dominant multipolar components, so it would not be surprising

if there are indeed missing components. The uncertainties in the LSD Stokes profiles

have been estimated by looking at the continuum regions in the final profiles, and are

therefore unlikely to be significantly underestimated, though we return to this point

below. To determine how significant the difference in the fits between the 4 models

is, it is necessary to examine χ2, not its reduced form. When estimating confidence

intervals in multi dimensional fits, error ellispses are usually drawn around the χ2

minimum where χ2 is increased by some specified value of ∆χ2, with this region

enclosing some percentage of the likely solutions. Here, we have 6 free parameters,

so the appropriate value of ∆χ2 is 7.04 to enclose 68.3% (1σ) of the likely solutions

(Press et al. 1986). Since we are fitting a total of 480 line profile points (the Stokes

I and V profiles over the 6 nights), this corresponds to a change in reduced χ2 of
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∆χ2
r = 0.015. This suggests that Model 4 is better than Model 3 at the 2.7σ level

and is better than Model 2 at the 13.3σ level. The χ2
r of the model with no magnetic

field is 4.00, which is 135σ worse than Model 4. Since the best χ2
r is about 2 instead

of 1, it is fair to increase the uncertainties by a factor of 2, in which case these

significance levels come down by a factor of 2. Artificially increasing the observed

uncertainties until χ2
r is 1.0 is often done in the magnetic imaging community as a

means of distinguishing between models as described above (e.g. Donati et al. 2008).

4.4.3 Stokes I Profile

As discussed above, the introduction of a filling factor well below unity allows strong

magnetic fields to be present which enables much wider Stokes V signatures to be

produced without producing correspondingly strong Stokes V signatures near line

center. This can reproduce the features in the far wings of the observed Stokes V

profiles. However strong fields as high as several kG such as found in Model 3 and

by Donati et al. (2008) are unphysical if they occupy only a small filling factor on

the surface of the star since the gas pressure in the non-magnetic regions is too small

to balance the magnetic pressure induced by such strong fields. If these “the non-

magnetic regions” are covered by small scale magnetic fields which maintain pressure

balance between two regions but do not contribute to the polarization due to local

polarity cancellation, the strong fields do not pose a problem from the point of view

of pressure balance. However these small scale fields could show up in Stokes I

measurements. Model 4 took this into account; however, stronger fields than are

found here have been suggested for BP Tau.

Donati et al. (2008) find that the average magnetic flux in regions contributing

to the photospheric polarization (i.e. outside the accretion and dark spots on the
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surface) is 1.2 kG which corresponds to a field strength of 4.8 kG for BP Tau. In

order to maintain pressure balance across the stellar surface, this then implies a mean

magnetic field of about 4.8 kG on the stellar surface, substantially in excess of the

mean field of 2.2− 2.6 kG found from observations of magnetically sensitive K band

Ti I lines (Johns–Krull et al. 1999b; Johns–Krull 2007). Our implementation of their

dipole plus octupole model described in §4.4.2 predicts a somewhat lower value, but

still quite high. In Figure 4.8 we show again in the left panel the observed Stokes I

profiles for all our BP Tau observations along with predicted Stokes I profiles for a

model with a 4.8 kG dipole plus a 6.4 kG octupole with a dark spot blocking 2% of

the stellar surface near the pole where the field is the strongest. This represents the

distribution of magnetic field strengths over the surface of the star that would result

from the Donati et al. (2008) model when the quiet regions are filled with small scale

magnetic fields that balance magnetic pressure that results from their recovered large

scale fields which fill only 25% of each surface area element. The right hand panel

shows the mean magnetic field outside of the spotted region as a function of rotation

phase. While Donati et al. (2008) find a mean field outside this spotted region of

4.8 kG (their 1.2 kG flux multiplied by 4 to account for the filling factor), we find

an average value of ∼ 3.8 kG using only the dipole plus octupole components . Our

value is similar in magnitude; however, it is likely lower because we do not include the

smaller scale components present in the Donati et al. (2008) image reconstruction.

Nevertheless, as we see in the left panel of Figure 4.8 and additionally below, this

lower field strength is still too strong to match the observations. The Stokes I profiles

in this figure clearly show that the predicted line profiles are too broad compared to

the observed LSD I profiles.

As discussed in §2.3, concern is sometimes raised over LSD analyses because they
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Figure 4.8 : The left-hand panel shows the observed time series of LSD Stokes I
profiles for BP Tau in the solid histogram. The smooth red solid curve shows the
predicted Stokes I profiles from a combined dipole plus octupole field model similar
to that proposed by Donati et al. (2008) but with a filling factor of 1.0 instead
of 0.25, which is shown as the blue dashed line. Profiles are marked with their
observing dates and corresponding rotation phase values. The filling factor of 1.0
takes into account magnetic fields with small scale spatial structure which are required
to provide pressure balance with the large scaled fields proposed by Donati et al. The
small scale fields do not contribute to the polarization observed in Stokes V ; however,
their signature remains in Stokes I, producing line profiles that are noticeably broader
than the observed profiles. These profiles include the effects of accretion and dark
spots covering ∼ 2% of the stellar surface in the highest field regions which do not
contribute to the photospheric profiles as found by Donati et al. The right-hand
panel shows the disk averaged unsigned magnetic field strength (the field modulus)
as a function of rotation phase for this model.

rely in principle on complete and accurate line lists, and it is usually the case that the

line lists used are neither complete or 100% accurate. In the case of such strong fields;
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however, LSD analysis is not required to meaningfully constrain the mean magnetic

field strength in the photosphere. The Fe I 8468.40 Å line is a good diagnostic of

magnetic fields in cool stars (e.g. Johns–Krull & Valenti 1996; Johns–Krull 2008;

Phan-Bao et al. 2009) due to its high Landé-g value (2.5) and its relatively long

wavelength in the optical band pass. Mean fields of the strength found in Figure 4.8

should produce a noticeable affect on this line, even at the lower S/N that results

when not using LSD. We boost the S/N in this line in BP Tau by averaging our

observations over all 6 nights, obtaining a profile with a S/N ∼ 100. Since we are

using a time averaged line profile, we then also only compare to the mean magnetic

field strength present on BP Tau at this time. In order to analyze this line, we

perform detailed spectrum synthesis of the line profile. We take initial values for the

required line data from VALD (Krupka et al. 1999). As with all detailed spectral line

analysis, it is often necessary to verify the atomic parameters of the specific line(s)

to be analyzed, and a common way to do so (e.g. Valenti & Piskunov 1996) is to

compare synthetic spectra of the lines to the NSO Solar Atlas (Kurucz et al. 1984),

which is the method we follow here.

At the cool temperatures associated with BP Tau and most other TTSs, VALD

(Krupka et al. 1999) predicts this line to be a very close blend with a Ti I line

at 8468.47 Å. Therefore, additional care must be taken when checking/determining

atomic line parameters from the Solar Atlas. Fortunately, the two lines have some-

what different behavior with temperature and in both the Sun and in K7 stars the

Fe I line is predicted to dominate the observed spectral line (Krupka et al. 1999 and

below). In order to provide additional constraints on the atomic data in the 8468

region, we synthesize spectra of both the Sun (using the Solar Atlas for comparison)

and 61 Cyg B (using the R = 121, 000 spectrum described in §2 for comparison). The
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K7 star 61 Cyg B has the same spectral class and a similar effective temperature as

BP Tau and therefore serves as a good probe of the behavior of these spectral lines at

the appropriate stellar parameters. We again use SYNTHMAG to synthesize the final

spectra, but with a zero magnetic field for both stars. For the Sun, we used an inter-

polated Kurucz ATLAS9 (Kurucz 1993) model atmosphere interpolated to the best

fitting solar parameters as given by Valenti & Piskunov (1996) for the case where van

der Waals damping (γ6) is enhanced by a factor of 2.5 relative to the Unsöld (1955)

approximation. For 61 Cyg B, we use the model atmosphere determined for this

star by Johns-Krull et al. (1999b) which is a NextGen model atmosphere (Allard &

Hauschildt 1995) interpolated to stellar parameters appropriate for the star. Figure

4.9 plots the 8468 Å region of both the Sun and 61 Cyg B, showing the observed

spectra as well as the final fitted synthetic spectrum for both stars. Also shown are

individual spectrum syntheses of the Fe I 8468.40 Å and Ti I 8468.47 Å lines using

the final atomic parameters which shows the relative contribution of the two lines

to the final profile. We use the Marquardt method to simultaneously solve for the

best fitting gf values for both of these lines using both the observed solar and 61

Cyg B spectra as constraints. At the same time we also solved for the van der Waals

broadening term for the Fe I 8468.40 line. We attempted a run where we also solved

for the van der Waals broadening term for the Ti I 8468.47 line; however, the value of

this parameter was driven very low in the fit, so we hold it fixed at the original value

returned by VALD. Finally, we solved for both the gf and van der Waals terms for

the weaker Ti I line at 8467.14 Å because this line is fairly prominent in this region

of the BP Tau spectrum and it is also fairly magnetically sensitive.

Examining Figure 4.9 shows that the final fitted line parameters are able to si-

multaneously produce synthetic spectra in good agreement with the observed spectra
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Figure 4.9 : The top panel shows the solar spectrum (Stokes I) in the neighborhood
of the Fe I 8468.4 Å line in the solid histogram. The final synthetic fit is shown in the
smooth solid red curve, while the blue long-dashed curve shows the synthesis of only
the Fe I 8468.40 Å line and the short-dashed purple curve shows the synthesis of only
the Ti I 8468.47 Å line. The bottom panel shows the same for the K7V star 61 Cyg
B. The loggf values of these two 8468 Å lines as well as the van der Waals broadening
term of the Fe I 8468.40 Å line were determined by simultaneously matching these
spectra. In addition, the loggf and van der Waals broadening terms for the Ti I line
at 8467.15 Å were determined by fitting these observed spectra.

of the Sun and 61 Cyg B for the 8468.4 Å line. The line parameters for the two lines

that make up this feature changed by relatively small amounts: the equivalent width

of the Fe I 8468.40 Å line increased by 12% for the 61 Cyg B synthesis, while the

Ti I 8468.47 Å line equivalent decreased by about 17%. No other lines overlapping

with this feature within 0.15 Å are predicted by VALD to have a depth greater than

0.001. The fit for the Ti I 8467.14 Å line is not as good, likely due to an unknown
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blending line or lines that is/are unaccounted for in the spectrum synthesis. It is not

uncommon for there to be weak lines present in the spectrum which do not appear

in line lists such as VALD. For example, the solar spectrum of Figure 4.9 shows weak

line at ∼ 8469.90 Å for which there is no line in the VALD database that is predicted

to appear with a depth greater than 0.001 in the spectrum of a star with solar param-

eters. There is also a weak line in the observed solar spectrum at a wavelength of ∼

8469.20 Å, and while lines near this wavelength appear in the VALD database with

a predicted strength greater than 0.001, the identification of this line is not clear.

We speculate that there is an additional unknown line that blends with the line at

8467.14 Å, and as a result, the parameters we derive for this Ti I line are in error,

which leads to our inability to simultaneously fit this feature in the spectrum of both

the Sun and 61 Cyg B. On the other hand, since the spectrum synthesis does a good

job matching the spectra of the 8468.4 Å feature with only small corrections to the

line parameters required, we are confident in our ability to model this feature in the

spectra of BP Tau.

As mentioned above, Donati et al. (2008) suggest that the entire surface of BP Tau

is covered with a magnetic field whose average strength is 4.8 kG in order to maintain

pressure equilibrium with the 25% of the star which contains the large scale field they

measure in their polarization analysis. In our estimation of a similar model, we find

an average field strength of 3.8 kG. We can then estimate effects of such a strong

field on the 8468.4 Å feature by synthesizing spectra of this region in the presence of

a magnetic field. We again use the line synthesis code SYNTHMAG (Piskunov 1999)

and assume for simplicity a radial magnetic field at the surface. We use the detailed

line splitting patterns for the Fe I 8468.40 Å and Ti I 8468.47 Å lines calculated with

LS coupling. We use the model atmosphere of Johns–Krull et al. (1999b) for BP Tau
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Figure 4.10 : Both panels show the average spectrum (Stokes I) of BP Tau in the
neighborhood of the Fe I 8468.4 Å line in the solid histogram. In the top panel, the
smooth red curve shows the synthetic spectrum with no magnetic field. The long-
dashed blue curve shows the synthetic spectrum with an assumed radial magnetic
field of 3.8 kG. The short-dashed purple curve shows the synthetic spectrum with an
assumed radial field of 4.8 kG. In all 3 cases, veiling was used as a free parameter to
fit the profiles to the observations, and the resulting veiling values are given in the
figure legend. Clearly, the profiles with these strong fields are too broad while the
profile with no magneti field is too narrow by a small amount. The bottom panel
shows sythetic profiles when both the strength of the radial magnetic field and the
veiling are treated as free parameters. The smooth, solid red curve shows the resulting
profile when holding the vsini fixed at 10.2 km s−1, giving a resulting magnetic field
strength of 2.3 kG. The dashed blue curve shows the resulting profile when holding
the vsini fixed at 9.0 km s−1, giving a resulting magnetic field strength of 2.5 kG.
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which is a NextGen model (Allard & Hauschildt 1995) interpolated to the parameters

appropriate for BP Tau. As a check, we also used a NextGen model with Teff = 4000

K, log(g) = 3.5, and [M/H] = 0.0 and found no significant difference with the profiles

synthesized from the BP Tau model atmosphere. The top panel of Figure 4.10 shows

the results of the spectrum synthesis, using fields of both 3.8 and 4.8 kG, compared

to the observed mean line profile of BP Tau in the 8468.4 Å region. In fitting the

synthesized profiles to the observations, we allowed for a continuum veiling as a free

parameter and held vsini fixed at 10.2 km s−1 as found by Johns–Krull et al. (1999b).

The top panel of this figure shows that the synthesized 8468.4 Å feature is clearly

too broad for either field value compared to the observations, while the synthetic

profile with no magnetic field is too narrow. We then let the field strength be a free

parameter along with the veiling and again fit the observed 8468.4 Å feature or BP

Tau. The best fits are shown in the bottom panel of Figure 4.10. We performed two

such fits, one holding the vsini fixed at 10.2 km s−1 as found by Johns–Krull et al.

(1999b) and one with vsini held fixed at 9.0 km s−1 as found by Donati et al. (2008).

The two synthetic profiles are virtually indistinguishable, and as expected, the higher

vsini yields a somewhat lower magnetic field of 2.2 kG while the lower vsini yields a

higher field of 2.4 kG. Both of these field strengths agree well with the mean fields

derived from IR Zeeman broadening measurements (2.6 ± 0.3 kG by Johns–Krull et

al. 1999b and 2.2± 0.2 kG by Johns–Krull 2007), and they are substantially weaker

than the mean field implied by Donati et al. (2008). The veilings derived in these fits

(∼ 0.5) are fully consistent with the veilings in this spectral region found by previous

investigators (e.g. Basri & Batalha 1990). Thus, it appears that the very strong mean

field strengths on BP Tau implied by the Donati et al. (2008) analysis are not present

in our data or in the published infrared studies of this star. On the other hand, the
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mean fields we determine in a fit to this line are more than strong enough to account

for the best fit model we obtain for our Stokes V data (Model 4 of Table 4.3). In fact,

that fit produces a mean magnetic field of only 1.3 kG, implying that the large scale

field likely has an even smaller filling factor and stronger field strength; however, the

regions not covered with large scale field must still be magnetic based on pressure

equilibrium.

4.4.4 Emission Lines

Yang et al. (2007) reported different levels of polarization between the He I 5876 Å

emission line and the Ca II 8498 Å line on TW Hya and argued that this is probably

due to different contributions to the lines from different line forming regions. For the

Ca II lines, the narrow component (NC) of the emission line is present both in TW

Hya and NTTSs but with different equivalent widths (EWs: 0.69-0.98 Å for TW Hya

and 0.53-0.59 Å for the 7 NTTSs studied by Batalha et al. 1996). This suggests the

existence of both a chromospheric contribution and another, likely accretion related,

contribution. It is generally thought that chromospheric emission occurs wherever

fields pierce the surface of the Sun outside of cool spots, and this likely happens on

other cool stars as well. We might then expect that the polarization and implied value

of Bz in chromospheric lines will be similar to that seen in photospheric lines. On

the Sun, we expect to see rapid field fall off into the chromosphere as the field lines

expand with height due to the small filling factor of field in the photosphere where

it can be confined by the gas pressure. In the case of T Tauri Stars, the mean field

measurements show that essentially the entire surface of the star is covered with fields

which are stronger than can be confined by gas pressure, so this field decline with

height may well not occur in the chromosphere on these young stars. In this case,
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polarization in accretion zones may be diluted by chromospheric polarization for lines

like Ca II that have significant contributions from both regions. For the He I line, the

EWs of the NCs range between 0.00 and 0.09 Å for the NTTSs studied by Batalha et

al. (1996) and are 2.5 to 4.3 Å for TW Hya indicating the contribution to the He I line

from the chromosphere is probably quite limited, allowing the polarization level for

this line to remain high. Yang et al. (2007) also predicted that the other two members

of the Ca II triplet (not covered by their observations) should show similar levels of

polarization because the members of this triplet should form in the same regions. Our

observations reproduce these results, this time for BP Tau instead of TW Hya. As

seen in Table 4.2 and Figure 4.5, the level of polarization of the He I line is about

twice as high as the Ca II lines, and we obtained similar mean longitudinal fields

from the two Ca II lines covered by our observations. Similar observational results

are obtained by Donati et al. (2007, 2008); however, Donati et al. (2008) do not allow

for the possibility that chromospheric emission is polarized in their interpretation of

the results.

4.5 Summary

The primary goal of this paper is to study magnetic properties of BP Tau. All the

tests performed for the LSD procedure and the instrumentation serve as validation

checks on this primary goal. Spectropolarimetric data for this study were obtained

at the 2.7m Harlan J. Smith Telescope at McDonald Observatory using the Zeeman

analyzer and cross-dispersed coudé echelle spectrometer (Vogt 1980, Tull et al. 1995).

Objects include the Sun (by observing the asteroid Vesta), 61 Cyg A, ξ Boo A, 53 Cam

and BP Tau, with the first four being test stars and the last the star of interest in this

study. To analyze these spectropolarimetric echelle data reduced using the package
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described in Valenti (1994), we have implemented a least-squares deconvolution code

which averages hundreds to thousands of spectral lines to effectively extract intrinsic

Stokes profiles, especially Stokes V profiles since our objects of interest have low levels

of net polarization and therefore quite weak Zeeman signatures in Stokes V profiles.

As tests of our LSD code, we analyze the same reduced spectra of ϵ Eri used by

Kochukhov et al. (2011) and get almost identical LSD Stokes profiles compared with

their LSD Stokes profiles. To establish the zero-point uncertainty of our instrumen-

tation, we analyzed the null spectra constructed by using spectra of ξ Boo A and

61 Cyg A from two pairs of consecutive exposures. Although according to the FAP,

weak spurious signals are detected in the null profiles, the amplitudes of these signals

are too small to be detected in the spectra of BP Tau. The weak field measurements

on these stars and the Sun are also consistent with results from previous studies. The

well-studied Ap Star 53 Cam serves as a non-zero magnetic standard, on which we

observed Bz = −4.5 ± 0.4 kG at phase 0.657 as indicated by its magnetic rotation

curve in Bagnulo et al. (2001). This shows that the polarization efficiency of our

instrumentation is quite good for fields of a few kG. Field measurements using 40 tel-

luric lines in the spectra of BP Tau also showed null results as expected, which again

indicates that our system do not produce strong spurious signals in the measurements

of BP Tau. Finally applying this code to spectra of BP Tau using 375 photospheric

lines yields measurements of mean longitudinal fields with the maximum amplitude

of -370 ± 80 G on the first night. Our time-series LSD Stokes V profiles yield a best

fit of a 1.8 kG dipole tilted at 129◦ with respect to the rotation axis and a 1.4 kG

octupole tilted at 104◦ with respect to the rotation axis, both with a filling factor of

25%, which is also consistent with the line broadening measurements. Introducing

the concept of a magnetic filling factor ψ i.e. that large scale magnetic field only cover
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a portion (ψ) of the stellar surface allows stronger field and enables us to explain the

wide Stokes V profiles. However, to maintain pressure balance between the two re-

gions of the star, we introduced small scales fields in 1-ψ potion of the stellar surface:

they are assumed small scale so opposite polarities completely cancel out and do not

contribute to Stokes V . These small scale magnetic fields maintain pressure balance

with the large scale field regions.. Studies of the emission lines give measurements

of the order of a kG, which is consistent with previous studies, as well as with mean

field strengths determined from IR Zeeman broadening measurements.
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Chapter 5

Magnetic Variability on the Classical T Tauri Star

TW Hya

5.1 Introduction

TW Hya is the closest CTTS to the Earth at a distance of 56± 7 pc from Hipparcos

parallax measurements (Wichmann et al. 1998). According to its position in the H-R

diagram, TW Hya is about 10 Myr old (Donati et al. 2011a, hereafter JFD11) and

should be in the final stages of disk accretion. However, this is clearly not the case

for TW Hya, which still has a massive accretion disk surrounding the star, feeding

material to the central object at an average rate of 2× 10−9M⊙ yr−1 (Herczeg et al.

2004) and producing excess emission at multiple wavelengths. Direct imaging in

optical (Krist et al. 2000), near IR (Weinberger et al. 2002) and submillimeter (Qi

et al. 2004) wavelengths indicates an almost face-on optically thick disk. Time series

of radial velocity (RV) measurements show fluctuation with a period of 3.56 d caused

by stellar spots (Huélamo et al. 2008), suggesting 3.56 d as the rotation period of TW

Hya, implying an equatorial velocity of 14.4 km/s assuming solar radius. However,

observations show that the line-of-sight equatorial velocity (v sin i ) is relatively small

from 4 km/s to 6 km/s, indicating a small inclination angle of about 15◦ (Alencar &

Batalha 2002; Yang et al. 2005; Donati et al. 2011a) and confirming TW Hya is seen

almost pole-on.

Magnetic field studies on TW Hya have been carried out in the past. Measuring
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Zeeman broadening in four K band Ti I lines, Yang et al. (2005) find a mean field

of 2.6± 0.2 kG on the stellar surface, typical for a TTS. Yang et al. (2007, hereafter

HY07) collected spectropolarimetric data of TW Hya for six consecutive nights in

April 1999. Analyzing 12 isolated photospheric absorption lines individually and

averaging the results for these lines to get a final Bz measurement, no longitudinal

field within the 3σ confidence level was detected except for the last night where the

detected Bz = 149 ± 33 gauss. On the other hand, for emission lines He I 5876 Å

and Ca II 8498 Å circular polarization in opposite polarity as photospheric lines is

definitely found, detecting kG longitudinal fields in He I 5876 Å line and less strong

field (about 300 gauss) in Ca II 8498 Å line probably due to dilution of this line from

chromospheric emission. JFD11 carried out a total of 26 polarimetric observations in

two epochs (March 2008 and February and March 2010) and found stronger fields in

general: 400∼700 gauss from photospheric absorption lines, 2∼3 kG in the He I 5876

Å line, and 400∼700 gauss in the Ca II triplet. However, some general conclusions

hold: if not diluted, accretion related emission lines show more polarization than

photospheric absorption lines and display the opposite polarity. Johns-Krull et al.

(2013, hereafter CMJ13) present 3 observations in April and May 2010 and find

similar field measurements as HY07: about 180 gauss from averaging approximately

40 photospheric lines and about 2 kG in the He I 5876 Å line. To check whether these

variations in Bz measurements are real or due to different methods used for the field

analysis, we measure the longitudinal fields from spectra from the three works above

together with 4 new observations obtained in February 2013. In all cases, consistent

analysis techniques are applied to each data set. In Section 5.2, we describe the

observations and data reduction procedures. In Section 5.3, we describe the methods

we use and present the results. In Section 5.4, we discuss the implications of these
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measurements.

5.2 Observations and Data Reduction

Out of the four data sets used in this work, two were obtained at the 2.7 m Harlan

J. Smith Telescope at McDonald Observatory in April 1999 (HY07) and February

2013 (new in this work) using the Zeeman analyzer (ZA, Vogt et al. 1980) and cross-

dispersed coudé echelle spectrometer (2dcoudé, Tull et al. 1995). The other two

data sets (JFD11) are from the high-resolution spectropolarimeter ESPaDOnS on the

3.58 m Canada-France-Hawaii Telescope (CFHT). For the three previously published

data sets, readers are referred to HY07 and JFD11 for detailed descriptions of the

instrumentation and observations.

The new data consists of four observations from February 1st to February 4th,

2013. The instrument setup has been described in detail in Chapter 3. Table 5.1 lists

details of all the observations (old and new), including observing dates and times,

number of exposures, exposure time, signal-to-noise per pixel and noise level.

Table 5.1 : Journal of Observations

Julian Date Photospheric He I Ca II

(2400000+) LSD 5876 Å 8498 Å 8542 Å 8662 Å

51289.928 170±50 -2030±160 -540±150 — —

51290.970 200±70 -2710±320 -360±210 — —

51291.926 140±50 -2590±230 -450±180 — —

51288.826 350±130 -1440±440 -430±250 — —

51293.661 320±110 -2750±370 -730±240 — —
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51294.933 230±70 -2220±180 -360±160 — —

54540.978 300±50 -2210±400 -480±160 -510±130 -940±170

54541.846 420±30 -2250±190 -440± 70 -350± 60 -440± 90

54541.947 390±30 -1910±180 -470± 70 -370± 60 -600± 90

54545.902 300±20 -1120± 90 -130± 40 -160± 30 -200± 50

54545.952 320±20 -1060±130 -260± 40 -150± 30 -180± 50

54548.829 480±20 -2070±120 -480± 60 -530± 50 -800± 70

54548.974 510±20 -2280±110 -560± 50 -590± 50 -750± 60

54551.868 390±20 -1920±120 -480± 50 -560± 50 -610± 70

54552.822 410±20 -1800±120 -420± 60 -340± 40 -510± 60

54552.963 410±20 -1970±150 -390± 70 -440± 50 -490± 70

54553.814 310±20 -2210±150 -490± 60 -550± 60 -510± 70

54553.909 340±30 -2450±260 -260± 90 -430± 80 -500±100

54553.953 330±30 -2230±220 -360± 80 -360± 70 -530±100

55251.001 380±30 -2110±100 -520± 70 -790± 50 -780± 80

55252.042 450±20 -2300±100 -660± 60 -750± 50 -910± 60

55252.963 320±20 -2200±120 -580± 60 -650± 50 -900± 70

55254.020 330±20 -2240±100 -490± 60 -690± 40 -790± 60

55254.936 370±20 -2170±100 -550± 80 -820± 60 -770± 70

55256.036 400±20 -2160±110 -420± 70 -590± 50 -740± 70

55257.006 320±30 -2120±100 -450± 70 -560± 60 -840± 90

55258.017 330±30 -2340±190 -400± 90 -620± 70 -750±100

55258.954 380±30 -2070±200 -480±100 -850± 80 -990±110

55260.011 290±20 -2210±170 -370± 80 -540± 70 -580± 80

55260.955 270±30 -2040±170 -400± 80 -650± 80 -820±100
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55262.983 250±20 -1760±130 -380± 70 -470± 70 -600± 80

55263.956 250±40 -1840±220 -420±110 -420± 80 -680±120

56325.882 520±100 -4320±220 -700±150 -870±130 —

56326.929 500±160 -4290±340 -740±220 -1020±180 —

56327.870 700±120 -4110±210 -1090±180 -1520±130 —

56328.916 510±100 -4330±180 -1210±160 -1140±130 —

5.3 Analysis and Results

5.3.1 Least-squares Deconvolution (LSD) method

Except for stars with very strong magnetic fields such as many Ap stars (e.g. Bab-

cock’s star with a field of 34 kG, Babcock 1960) or for observations with very high

signal-to-noise ratio (S/N), it is common that Zeeman signatures in Stokes V profiles

of individual lines are buried in the noise. This is also the case for photospheric

absorption lines of TW Hya, a focus of this work. Thanks to the introduction of

echelle spectrographs, we are able to apply the LSD method to the spectra of TW

Hya and simultaneously analyze hundreds to thousands of spectral lines. Detailed

information on the LSD code adopted in this work including the performace of the

code can be found in Chen & Johns-Krull (2013). Here, we give a brief description.

The basic idea of the method is that a continuum normalized stellar spectrum is the

convolution of (1) the sum of a number of delta functions (the number of delta func-

tions equals to the number of spectral lines and the positions of the delta functions

are at the nominal wavelengths of the lines) and (2) one single instrinsic line profile

weighted by the line central depths. This method deconvolves the observed spectrum



79

to extract the single intrisic line profile. In practice, it is almost equivalent to aver-

aging hundreds to thousands of spectral lines to get a mean line profile and is able to

increase the S/N of the resulting intrinsic profiles by one or two orders in magnitude,

permitting a senstive dection of Zeeman signatures in the resulting Stokes V profiles

which can indicate the presence of large scale magnetic fields. Column 7 of Table

5.1 lists the noise level of the resulting LSD Stokes profiles using our list of 693 lines

(see Section 5.3.2) whose central depths are greater than 0.2 when not rotationally

broadened. The S/N in the resulting LSD Stokes profiles (1 divided by column 7) is

approximately an order of magnitude larger than the S/N in the original continuum

normalized spectra (column 6) in some cases.

5.3.2 The Photospheric Mean Longitudinal Fields and Radial Velocity

(RV)

The LSD code (Chen & Johns-Krull 2013) is applied to the spectra from the four

epochs using the same set of 693 photospheric absorption lines. The lines are picked

with the following criteria: (1) central depths are greater than 0.2; (2) not in regions

where strong lines reside or where lines are strongly blended. Figure 5.1 plots the

resulting LSD Stokes I and V profiles. The Bz, mean longitudinal field, is then

calculated from these profiles using the ”integral” method (Mathys 1989):

Bz = −4πmec

eλg

∫
vV (v) dv∫

[1− I(v)] dv
= −7.14× 106

λg

∫
vV (v) dv∫

[1− I(v)] dv
, (5.1)

where velocities, v, are in km/s, and the field, Bz, is in gauss. The measured pho-

tospheric Bz are plotted in Figure 5.2. Values are also quoted in Figure 5.1, and

tabulated in the second column of Table 5.2 as well.
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Figure 5.1 : LSD Stokes I and V profiles of TW Hya with 2 km/s bins. UT dates of
observations and Bz measurements in gauss are shown as text in the plots. Error bar
for each LSD Stokes V profile is plotted at upper left of the corresponding profile.
The bold vertical lines indicate the boundaries of Stokes profiles used for integration
(from -30 km/s to +30 km/s). All the Stokes profiles are deveiled by veilings relative
to the profiles of Mar 26th, 2008.

Table 5.2 : Mean Longitudinal Field Measurements of
TW Hydae in Gauss

Julian Date Photospheric He I Ca II

(2400000+) LSD 5876 Å 8498 Å 8542 Å 8662 Å

51289.928 170±50 -2030±160 -540±150 — —

51290.970 200±70 -2710±320 -360±210 — —
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51291.926 140±50 -2590±230 -450±180 — —

51288.826 350±130 -1440±440 -430±250 — —

51293.661 320±110 -2750±370 -730±240 — —

51294.933 230±70 -2220±180 -360±160 — —

54540.978 300±50 -2210±400 -480±160 -510±130 -940±170

54541.846 420±30 -2250±190 -440± 70 -350± 60 -440± 90

54541.947 390±30 -1910±180 -470± 70 -370± 60 -600± 90

54545.902 300±20 -1120± 90 -130± 40 -160± 30 -200± 50

54545.952 320±20 -1060±130 -260± 40 -150± 30 -180± 50

54548.829 480±20 -2070±120 -480± 60 -530± 50 -800± 70

54548.974 510±20 -2280±110 -560± 50 -590± 50 -750± 60

54551.868 390±20 -1920±120 -480± 50 -560± 50 -610± 70

54552.822 410±20 -1800±120 -420± 60 -340± 40 -510± 60

54552.963 410±20 -1970±150 -390± 70 -440± 50 -490± 70

54553.814 310±20 -2210±150 -490± 60 -550± 60 -510± 70

54553.909 340±30 -2450±260 -260± 90 -430± 80 -500±100

54553.953 330±30 -2230±220 -360± 80 -360± 70 -530±100

55251.001 380±30 -2110±100 -520± 70 -790± 50 -780± 80

55252.042 450±20 -2300±100 -660± 60 -750± 50 -910± 60

55252.963 320±20 -2200±120 -580± 60 -650± 50 -900± 70

55254.020 330±20 -2240±100 -490± 60 -690± 40 -790± 60

55254.936 370±20 -2170±100 -550± 80 -820± 60 -770± 70

55256.036 400±20 -2160±110 -420± 70 -590± 50 -740± 70

55257.006 320±30 -2120±100 -450± 70 -560± 60 -840± 90

55258.017 330±30 -2340±190 -400± 90 -620± 70 -750±100
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55258.954 380±30 -2070±200 -480±100 -850± 80 -990±110

55260.011 290±20 -2210±170 -370± 80 -540± 70 -580± 80

55260.955 270±30 -2040±170 -400± 80 -650± 80 -820±100

55262.983 250±20 -1760±130 -380± 70 -470± 70 -600± 80

55263.956 250±40 -1840±220 -420±110 -420± 80 -680±120

56325.882 520±100 -4320±220 -700±150 -870±130 —

56326.929 500±160 -4290±340 -740±220 -1020±180 —

56327.870 700±120 -4110±210 -1090±180 -1520±130 —

56328.916 510±100 -4330±180 -1210±160 -1140±130 —

With the one order magnitude increase in S/N, in addition to measuring photo-

spheric mean longitudinal fields, the LSD Stokes I profiles can also be used to carry

out meaningful RV measurements. Fitting a Gaussian to an LSD Stokes I profile

yields a RV value for the corresponding wavelength setting. However, for all the

observations included here, only one or two spectra of Thorium-Argon lamps were

recorded each night to be used for wavelength calibration, but the wavelength solution

on the CCD may drift for some amount throughout the night. This can potentially

introduce an offset of the measured value to the actual RV. The data used in this

study were obtained from two different instruments and thus different wavelength

calibration procedures were used, which may also cause an inconsistency in RV mea-

surements. To account for the issues above and analyze the data in a consistent way,

we make use of the telluric lines present in all the data and measure the RV by first

measuring the radial velocity offset between centers of the photospheric and telluric

lines in the same wavelength setting and then subtract off the barycentric correction,
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Figure 5.2 : Measurements of stellar RV and longitudinal fields from photospheric
lines and the narrow components of the He I 5876 Å line and the Ca II IR triplet.

as is shown in the following equation,

RV = RVobs −RVtell − Vbary. (5.2)

RVobs is measured as the center of the Gaussian profile which is fitted to the LSD

Stokes I profile of the photospheric lines. RVtell is obtained by first measuring RV for

16 individual telluric lines using Gaussian fit and then averaging them. The precision

is about 0.12 km/s for McDonald data while around 0.08 km/s for CFHT data. The

RV measurements are plotted in Figure 5.2.
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5.3.3 Treatment of Emission Lines

Accretion related emission lines are present across the spectra of T Tauri Stars. For

example, Balmer lines are believed to trace accreting material and sometimes show

inverse P-Cygni profiles, indicating ongoing mass infall (Edwards et al. 1994). The

emission lines this work will mainly be focusing on are He I 5876 Å and the Ca II

IR triplet at 8498 Å, 8592 Å and 8662 Å, which show strong circular polarization in

Stokes V profiles (Valenti & Johns-Krull 2004; Chen & Johns-Krull 2013). According

to previous studies (e.g. Batalha et al. 1996), these lines are identified as a composite

of a narrow emission component (NC) on top of a broad component (BC) which

have different origins. The broad absorption component of the Ca II IR triplet is

photospheric in origin. It is believed that the narrow emission component of these

four lines forms in the accretion shock regions where accretion columns intersect

with the photosphere; the broad emission component, on the other hand, displays a

diversity of kinematic properties and may have contributions from a hot polar/coronal

wind (Beristain et al. 2001). Moreover, spectropolametric studies suggest that it is

the NC that shows strong polarization whereas no polarization is definitely detected

in the BC (Donati et al. 2008; Chen & Johns-Krull 2013). In order to investigate the

magnetic properties of the regions where these NCs form, decomposing the profiles

into two components is a necessity.

5.3.3.1 He I 5876 Å line

Many authors have attacked the issue of separating the NC from the BC. Batalha

et al. (1996) picked the boundaries for the NC by eye and fit the two wings of the

BC (outside the NC region) with a single Gaussian. Alencar & Basri (2000) tried to

fit the entire He I 5876 Å line profile with multiple Gaussians (one or two Gaussians
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for most of the lines and three Gaussians only sometimes). JFD11 fit the line profile

at a more confined region (from -150 km/s to 150 km/s) using a double Gaussian

model (Donati, private communication). CMJ13 tested several different methods

and settled on a simple linear interpolation between two points on the profile at the

two boundaries picked by eye. For the profiles examined in CMJ13, a significant

difference in Bz was not detected between the different methods tested. Here we test

several different methods for separating the NC and the BC and compare the impact

they have on deriving Bz for the NC. We settle on one method as the “most reliable”

and apply it to all observed spectra. Regardless of the exact method used, we find in

this study that it is best to use the same method on all the data to properly study

the variability.

Different methods can yield different strengths of the BC and thus different equiv-

alent widths (EWs) of the NC which is the denominator in Equation (6.1) and affects

the Bz measurements in the regions where this line forms. Figure 5.3 shows different

methods to decompose the NC and the BC of the He I 5876 Å line. All methods

require non-linear least squares fitting of a parameterized model to the data and we

use the Marquardt method to find the best fit (Bevington & Robinson 1992). Figure

5.3(a) shows a spectrum of simulated data which consists of three Gaussians and re-

sembles the general shape of the He I 5876 Å line: one Gaussian contributes to the BC

and the other two Gaussians to the asymmetric NC. Fits using different methods are

overplotted with different colors (available in online version) and linestyles. For each

method, both the fit to the spectrum and the resulting BC are plotted with the same

color and linestyle. The black histogram is the model spectrum itself with a SN of 100

and an EW of 112.8 km/s for the BC and 76.5 km/s for the NC. The red dotted line

is a double Gaussian fit using only part of the plotted spectrum (from -150 km/s to
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150 km/s) as used in JFD11 (method 1). The blue dashed line is a double Gaussian

fit using the whole spectrum plotted (method 2). The maroon dash-dotted line is a

triple Gaussian fit using the whole spectrum plotted (method 3). The green solid line

is a single Gaussian fit to the spectrum outside the NC region (outside [-40,75] km/s,

boundaries picked by eye) as used in Batalha et al. (1996) (method 4). Looking at the

individual fits and comparing them we come to the conclusion that method 1 is sub-

stantially different from other methods discussed here. It seems to be able to fit well

within its own range (from -150 km/s to 150 km/s) but can go substantially astray

outside this range. The resulting EW of the NC using this method is 41.5 km/s, only

54% of the expected value 76.5 km/s. Since the simulated spectrum is constructed by

adding up three Gaussians, it is natural that method 3 yields the best fit and this is

indeed the case: we get the smallest reduced chi-squares (χ2
r) and have recovered 98%

of the EW of the NC. The reason for choosing a simulated spectrum constructed with

three Gaussian instead of two Gaussian is because of the non-Gaussian asymmetric

NC of the He I 5876 Å line. Then the challenge for method 2 here is how strongly

the NC will affect the overall fit and cause an incorrect subtraction of the BC. The

more the NC deviates from a Gaussian symmetric profile, the more this method will

be affected. As a result, with little asymmetry (the actual He I 5876 Å line typically

appears more asymmetric than this simulated spectrum) the resulting EW of the NC

is 66.4 km/s, 13% away from the expected value. Method 4 avoids the NC fitting by

simply fitting a Gaussian to the wings of the BC and, therefore, relies on how well

the interpolated BC can recover the entire BC. If a major part of the BC overlaps

with the NC, problems with this method can be foreseen. For the simulated data

spectrum here, the full width at half maximum (FWHM) of the NC is about 45 km/s

while the FWHM of the BC is more than 200 km/s. Fitting only the wings of the
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BC should not pose a serious problem, which is confirmed by the test result: 94% of

the EW of the NC, 71.7 km/s is recovered.
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Figure 5.3(b) is basically the same as Figure 5.3(a) but an actual spectrum of the

He I 5876 Å line instead of a simulated spectrum is plotted. Also plotted is the Stokes

V profile of this line. The absorption features at 110 km/s, 210 km/s and 260 km/s

tend to affect the Gaussian fits so these regions are excluded. Similar behavior as

shown in Figure 5.3(a) for the fits using these four methods are found. Again method

1 is quite different from the other three methods, yielding the smallest EW of the

NC, and therefore the greatest estimate of the Bz magnitude. This could well explain

the discrepancy in measured Bz values for this line between HY07 (as well as CMJ13)

and JFD11 as mentioned in Section 5.1. Recall that Bz measurements in JFD11 are

generally greater than the ones in HY07 and CMJ13. While neither method 2 nor

method 3 fits the NC well, all except method 1 fit the BC reasonably well. Here we

choose method 4 for the following reasons: (1) it avoids an assumption of the shape

of the NC; (2) the difference between the multi-Gaussian methods (method 2 and 3)

and method 4 in the final fit for the BC appears to originate from the shoulder of the

NC at [40,75] km/s (fit in method 4 does not include this region); (3) we assume the

BC is Gaussian. As long as we stay consistent with the method we apply to all the

data, we should be able to meaningfully investigate the variability of the magnetic

properties of TW Hya.

5.3.3.2 Ca II IR triplet

Unlike the He I 5876 Å line, each component of the Ca II IR triplet have a broad

photospheric absorption feature as well as a symmetric Gaussian narrow emission line

at the center. We fit the BC with a Voigt profile and fit the NC with a Gaussian.

At the same time, there is one Paschen line in the profile of each Ca II line, Pa 16

(8502.43 Å) in Ca II 8498 Å, Pa 15 (8545.33 Å) in Ca II 8542 Å and Pa 13 (8664.96
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Å) in Ca II 8662 Å. We fit a second Gaussian to these Paschen lines in each profile.

Figure 5.4 is a demonstration of the fitting (one Voigt profile and two Gaussians)

applied to the spectra of these three lines from the data obtained on Mar 1st, 2010.

Figure 5.4 : Decomposition the NCs and BCs of the Ca II IR triplet. The BC is fit by
a Voigt profile; the NC and the Paschen line in each profile are fit by two Gaussians.

5.3.4 Equivalent Widths and Mean Logitudinal Fields in Accretion Shock

Region

We apply the methods discussed in Section 5.3.3.1 and Section 5.3.3.2 to all the

spectra of TW Hya to decompose the BCs and NCs. We then subtract the resulting
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BCs off from the continuum normalized spectra. With only the NCs left on top of

the normalized continuum as demonstrated in Figure 5.5, 5.6, 5.7 and 5.8, we then

measured Bz from these Stokes I and V profiles following Equation (6.1) as well as

the EWs of the NC of these emission lines. The Bz measurements are plotted in

Figure 5.2 and also indicated as text in Figure 5.5, 5.6, 5.7 and 5.8 and tabulated in

Table 5.2, while the EW measurements are presented in Table 5.3. Also calculated

and given in Table 5.3 are EWs of the BC of the He I 5876 Å line.

Figure 5.5 : Stokes I and V profiles of the NC of He I 5876 Å line. UT dates of
observations and Bz measurements in gauss are shown as text in the plots. Error bar
for each Stokes I and V profiles (the same in this case) is plotted at upper left of
the corresponding profile. The bold vertical lines indicate the boundaries of Stokes
profiles used for integration (varies night to night). All the Stokes I profiles are scaled
up to the one of Mar 26th, 2008.
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Figure 5.6 : The same as Figure 5.5 for Ca II 8498 Å line. Integration boundaries are
±40 km/s..

Table 5.3 : Mean Longitudinal Field Measurements of
TW Hydae in Gauss

Julian Date He I 5876 Å Ca II NC

(2400000+) NC BC 8498 Å 8542 Å 8662 Å

51289.928 77.5±4.3 112.1±4.3 25.2±1.5 — —

51290.970 71.4±4.1 139.3±4.1 23.4±1.7 — —

51291.926 61.4±3.4 102.8±3.4 25.4±1.5 — —

51288.826 74.8±5.6 212.2±5.6 27.6±2.9 — —

51293.661 67.6±4.9 120.3±4.9 25.3±2.2 — —
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51294.933 89.0±5.1 123.4±5.1 33.4±2.2 — —

54540.978 65.6±2.8 76.0±2.8 30.2±1.3 24.8±1.0 21.1±0.2

54541.846 83.1±3.5 148.7±3.5 40.8±1.7 33.2±1.4 25.5±0.1

54541.947 84.2±3.5 202.4±3.5 36.8±1.6 31.8±1.4 23.9±0.1

54545.902 63.4±2.7 353.8±2.7 52.3±2.3 45.5±2.0 33.2±0.1

54545.952 56.0±2.3 254.6±2.3 50.0±2.2 42.6±1.9 31.8±0.1

54548.829 85.1±3.5 131.8±3.5 34.5±1.4 27.9±1.1 21.6±0.1

54548.974 106.7±4.4 122.1±4.4 35.1±1.4 28.5±1.2 21.3±0.1

54551.868 84.8±3.5 120.8±3.5 33.7±1.4 27.4±1.1 21.2±0.1

54552.822 73.2±3.0 124.5±3.0 31.3±1.3 27.0±1.1 20.5±0.1

54552.963 67.6±2.8 127.3±2.8 32.7±1.4 27.5±1.1 21.2±0.1

54553.814 57.5±2.4 80.6±2.4 28.9±1.2 23.7±1.0 19.7±0.1

54553.909 52.8±2.2 79.9±2.2 29.4±1.2 24.0±1.0 20.3±0.1

54553.953 56.5±2.4 82.0±2.4 28.3±1.1 23.8±1.0 20.2±0.1

55251.001 105.7±4.4 183.2±4.4 32.8±1.4 26.1±1.1 18.9±0.1

55252.042 121.7±5.1 237.5±5.1 31.6±1.3 27.8±1.2 20.4±0.1

55252.963 80.5±3.4 119.5±3.4 29.0±1.2 24.6±1.0 19.9±0.1

55254.020 91.6±3.8 157.5±3.8 31.4±1.3 26.8±1.1 21.2±0.1

55254.936 74.6±3.1 105.6±3.1 29.6±1.2 24.7±1.0 20.4±0.1

55256.036 96.9±4.0 158.2±4.0 30.4±1.3 25.9±1.1 19.7±0.1

55257.006 108.7±4.5 211.3±4.5 31.3±1.3 26.7±1.1 19.7±0.1

55258.017 81.2±3.4 117.5±3.4 29.3±1.2 24.3±1.0 19.7±0.1

55258.954 84.3±3.6 138.3±3.6 31.3±1.3 26.4±1.1 20.7±0.1

55260.011 64.6±2.7 81.6±2.7 25.6±1.0 21.5±0.9 18.1±0.1

55260.955 73.9±3.1 122.9±3.1 26.5±1.1 22.2±0.9 18.5±0.1
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55262.983 74.5±3.1 104.0±3.1 28.8±1.2 22.8±0.9 19.2±0.1

55263.956 92.0±3.9 201.0±3.9 30.2±1.3 25.4±1.1 19.5±0.1

56325.882 108.1±6.3 108.4±6.3 30.6±1.8 37.8±2.2 —

56326.929 118.7±7.9 235.5±7.9 37.8±2.8 48.1±3.5 —

56327.870 128.7±7.7 251.6±7.7 34.6±2.3 51.7±3.4 —

56328.916 106.6±6.4 130.7±6.4 32.4±2.0 42.4±2.6 —

5.4 Discussion

5.4.1 Emission Line Formation Region

As is the case for many or even most T Tauri Stars including TW Hya, strong mean

unsigned magnetic fields |B|, a typical value of which is 2 kG, exist on the stellar

surface uncovered by Zeeman broadening studies (Johns-Krull et al. 1999b; Yang et al.

2005). Moreover, spectropolarimetric studies such as Chen & Johns-Krull (2013) show

that (1) photospheric mean longitudinal magnetic fields Bz are quite weak compared

to |B|, (2) some emission lines such as He I 5876 Å line and the Ca II IR triplet

exihibit very high levels of circular polarization, indicating the presence of kilo-gauss

Bz; (3) He I 5876 Å line is more circularly polarized than Ca II IR triplet. The current

widely accepted scenerio to explain the above observational facts is that (1) the stellar

surface is covered by strong small scale magnetic fields which contribute to |B| but not

Bz due to almost complete cancellation of fields with different polarities; (2) emission

line He I 5876 Å line and Ca II IR triplet are formed at the accretion shock regions

where accretion funnels intersect with photosphere so Bz measured from these lines

are the line-of-sight component of these local fields covering only a very small portion
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Figure 5.7 : The same as Figure 5.5 for Ca II 8542 Å line. Integration boundaries are
±40 km/s..

of the entire stellar surface within which fields do not suffer much cancellation due to

different polarities; (3) Ca II IR triplet is diluted by chromospheric emissions which

do not carry strong circular polarization.

The line profiles of the NC of He I 5876 Å line and Ca II IR triplet as are plotted in

Figure 5.5, 5.6, 5.7 and 5.8 show different shapes. The Ca II IR triplet have Gaussian

symmetric profiles whereas the He I 5876 Å line is asymmetric with a steep blue wing

and a flatter red wing, indicating that it is formed in a region with more significant

velocity gradients than Ca II IR triplet. Nevertheless, the layer of accretion shock is

very thin and accreted material is almost complete stopped from a free-fall velocity,

meaning a very large velocity gradient within a thin layer. If the scenario above
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Figure 5.8 : The same as Figure 5.5 for Ca II 8662 Å line. Integration boundaries are
±40 km/s..

holds, i.e. both the He I 5876 Å line and the Ca II IR triplet form in the accretion

shock region, similar if not completely the same magnetic field properties should be

expected from the accretion related component of these emission lines since magnetic

field should not change much within such a thin layer. Table 1 of Batalha et al.

(1996) listed the EWs of the NC and BC of these lines for many TTSs. In general,

EWs of the He I 5876 Å line of NTTSs are usually consistent with 0, suggesting that

this line has almost a pure accretion origin whereas the Ca II IR triplet have some

significant narrow core emissions from chromosphere. When calculating Bz using

Equation (6.1), this chromospheric emission only contributes to the denominator as



97

shown below (circular polarization from chromosphere emission is neglected):

Bz = −7.14× 106

λg

∫
vV (v) dv∫

[1− I(v)] dv
= −7.14× 106

λg

∫
vV (v) dv

EWacc + EWchm

, (5.3)

where EWacc is the EW of the accretion related component whereas EWchm is the

EW of the chromospheric emission. This is the reason why the measured Bzs of the

Ca II IR triplet are weaker than the ones of the He I 5876 Å line. Since Bzs should

be about the same for all these lines if without the chromospheric dilution, we then

have:

EWacc = EWtot ×
Bz(CaII)

Bz(HeI)
; EWacc = EWtot × (1− Bz(CaII)

Bz(HeI)
), (5.4)

where EWtot is the total EWs of one line from the Ca II IR triplet, Bz(CaII) and

Bz(HeI) are Bz measurements of that same Ca II line and the He I 5876 Å line, which

are shown in Table 5.2. Following Equation (5.4), we get EWs of different components

of the Ca II IR triplet which are tableted in Table 5.4. Note that EWs tabletted in

Table 5.3 and 5.4 are veiling corrected (see Section 5.4.2). As is shown, accretion

related component only makes up about 20% of the narrow core emission of the Ca II

IR triplet, while the major contribution (other 80%) are from chromospheric emission.

This percentage agrees with what JFD11 found as shown in their Figure 10 with

the light blue curve which represents the contribution from the quiet chromosphere

dominating the Stokes I profiles of the NCs of the Ca II IR triplet.

Table 5.4 : Mean Longitudinal Field Measurements of
TW Hydae in Gauss

Julian Date Ca II 8498 Å Ca II 8542 Å Ca II 8662 Å

(2400000+) EWacc EWchm EWacc EWchm EWacc EWchm
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51289.928 6.7± 2.0 18.5± 2.2 — — — —

51290.970 3.1± 1.9 20.4± 2.4 — — — —

51291.926 4.4± 1.9 21.0± 2.2 — — — —

51288.826 8.2± 5.5 19.4± 5.8 — — — —

51293.661 6.7± 2.5 18.6± 2.9 — — — —

51294.933 5.4± 2.5 28.1± 3.1 — — — —

54540.978 6.5± 2.5 23.7± 2.7 5.8± 1.8 19.0± 1.9 9.0± 2.3 12.1± 2.3

54541.846 8.1± 1.4 32.7± 2.0 5.1± 1.0 28.1± 1.6 5.0± 1.1 20.5± 1.1

54541.947 9.0± 1.6 27.8± 2.0 6.2± 1.2 25.6± 1.6 7.5± 1.3 16.4± 1.3

54545.902 6.2± 2.1 46.1± 2.9 6.4± 1.3 39.2± 2.2 6.0± 1.4 27.2± 1.4

54545.952 12.3± 2.5 37.7± 3.0 6.1± 1.5 36.6± 2.1 5.5± 1.6 26.3± 1.6

54548.829 8.0± 1.1 26.5± 1.5 7.1± 0.8 20.8± 1.2 8.3± 0.8 13.2± 0.8

54548.974 8.7± 1.0 26.5± 1.4 7.3± 0.8 21.1± 1.1 7.0± 0.7 14.3± 0.7

54551.868 8.5± 1.1 25.2± 1.5 8.0± 0.9 19.4± 1.2 6.8± 0.8 14.4± 0.8

54552.822 7.2± 1.2 24.1± 1.5 5.2± 0.8 21.8± 1.2 5.8± 0.8 14.7± 0.8

54552.963 6.5± 1.3 26.2± 1.7 6.2± 0.9 21.3± 1.3 5.3± 0.8 16.0± 0.8

54553.814 6.4± 0.9 22.5± 1.2 5.9± 0.8 17.8± 1.0 4.6± 0.7 15.2± 0.7

54553.909 3.2± 1.2 26.2± 1.6 4.2± 0.9 19.8± 1.2 4.2± 1.0 16.1± 1.0

54553.953 4.5± 1.2 23.8± 1.5 3.8± 0.9 19.9± 1.2 4.8± 1.0 15.5± 1.0

55251.001 8.1± 1.2 24.6± 1.5 9.8± 0.9 16.3± 1.1 7.0± 0.8 11.9± 0.8

55252.042 9.0± 1.0 22.6± 1.3 9.1± 0.8 18.7± 1.1 8.1± 0.6 12.3± 0.6

55252.963 7.7± 1.0 21.3± 1.3 7.3± 0.7 17.3± 1.0 8.1± 0.8 11.7± 0.8

55254.020 6.9± 0.9 24.5± 1.3 8.2± 0.7 18.5± 1.0 7.5± 0.7 13.7± 0.7

55254.936 7.5± 1.2 22.2± 1.5 9.4± 0.9 15.4± 1.0 7.3± 0.8 13.1± 0.8
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55256.036 5.9± 1.0 24.5± 1.4 7.1± 0.8 18.8± 1.1 6.7± 0.7 13.0± 0.7

55257.006 6.6± 1.1 24.7± 1.5 7.0± 0.8 19.7± 1.2 7.8± 0.9 11.9± 0.9

55258.017 5.0± 1.2 24.3± 1.6 6.4± 0.9 17.9± 1.2 6.4± 1.0 13.4± 1.0

55258.954 7.3± 1.7 24.1± 1.9 10.8± 1.5 15.5± 1.6 9.9± 1.5 10.7± 1.5

55260.011 4.3± 1.0 21.2± 1.3 5.2± 0.8 16.3± 1.0 4.7± 0.8 13.4± 0.8

55260.955 5.2± 1.2 21.3± 1.5 7.1± 1.1 15.1± 1.2 7.5± 1.1 11.0± 1.1

55262.983 6.3± 1.3 22.5± 1.5 6.0± 1.0 16.7± 1.2 6.6± 1.0 12.6± 1.0

55263.956 6.9± 1.9 23.2± 2.1 5.8± 1.3 19.6± 1.5 7.2± 1.6 12.3± 1.6

56325.882 4.9± 1.1 25.6± 1.8 7.6± 1.3 30.2± 2.1 — —

56326.929 6.5± 2.0 31.2± 3.0 11.5± 2.4 36.6± 3.5 — —

56327.870 9.2± 1.7 25.4± 2.3 19.1± 2.3 32.5± 2.9 — —

56328.916 9.1± 1.4 23.3± 1.9 11.2± 1.5 31.3± 2.4 — —

5.4.2 Veiling VS EWs

Veiling is a quantity that describes the amount of the continuum excess emission from

accretion shock region on top of the stellar spectrum. The more this amount, the

higher veiling, the shallower stellar absorption lines. To measure the veilings for the

spectra of TW Hya, we have made use of one spectrum of Hubble I 4 obtained on Feb

2nd, 2013. Hubble I 4 is known to be a WTTS with a fully dissipated circumstellar

disk (Furlan et al. 2006). With no ongoing accretion, no veiling is expected. First,

we construct three line lists covering three different wavelength regions, [5500,6000],

[6000,7000] and [8000,9000] in Å. Each list contains the photospheric absorption lines

that are present in the spectra of both TW Hya and Hubble I 4 in the corresponding
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wavelength regions and have central depths before rotationally broadened greater

than 0.2. The numbers of lines in the three lists are 219, 184 and 70 respectively. We

then use these three line lists and apply our LSD code to the spectra of both stars

to extract the intrinsic LSD Stokes I profiles. Finally, we calcated the EWs of these

LSD profiles and use the following equation to get the veiling r,

r =
EW0

EW
− 1, (5.5)

where EW0 and EW are EWs of the intrinsic LSD Stokes I profiles of Hubble I

4 and TW Hya respectively. Due to less line available in the wavelength region of

[8000,9000] Å, the error bars are larger than the ones for the other two regions.

Figure 5.9 plots nine different EWs against the corresponding veilings. We have

also calcuated the linear Pearson correlation coefficient (r) and the false alarm prob-

ability (fp) betweeen these EWs and veilings. Results are listed in Table 5.5. As is

expected, the EWs of the NC of He I 5876 Å line and Hα show apparent correla-

tion with the veilings in the corresponding wavelength region with the fp less than

1× 10−5, which means that these lines are good accretion tracers. Some correlation (

fp of 4.5×10−4) is also found between the EWs of the BC of the He I 5876 Å line and

the veiling at the region [5500,6000] Å. It is possible that the accretion shocks heat up

the accretion columns in its vicinity and produce this broad He I emission component.

This may explain that the BC is always centered at a positive radial velocity, which

suggests material infall. Taking into accout the fact that TW Hya is almost pole on,

these infall material can be the material in the heated accretion columns. Correlation

between the EWs of different components (accretion or chromospheric contribution)

and the veilings at [8000,9000] Å are not as obvious because of the larger error bars.
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Figure 5.9 : Veiling versus EWs of several emission lines.

5.4.3 Magnetic Variability

Spectropolarimetric studies on different TTSs have been carried out many times by

different groups as mentioned in Section 5.1. However, this is not the case for long

term monitoring. Here we have gathered spectropolarimetric observations of TW Hya

from 4 epochs spanning about 14 years to study magnetic variability. Photospheric

LSD Stokes I and V profiles as well as the Bz measurements are shown in Figure 5.1.

Since the Stokes I and V profiles are all deveiled by the amout of veiling relative to the



102

Table 5.5 : Correlations of EWs with Veiling

Different EWs r fp

EWNC (He I 5876) 0.819 1.0e-009

EWBC (He I 5876) 0.555 4.5e-004

EW (Hα) 0.680 5.0e-006

EWacc (Ca II 8498) 0.637 2.9e-005

EWacc (Ca II 8542) 0.464 9.8e-003

EWacc (Ca II 8662) 0.200 3.3e-001

EWchm (Ca II 8498) 0.542 6.4e-004

EWchm (Ca II 8542) 0.509 4.0e-003

EWchm (Ca II 8662) 0.308 1.3e-001

profiles of Mar 26th, 2008, the amplitudes of the Zeeman signatures in the Stokes V

profiles indicate the levels of circular polarization of the photospheric absorption lines.

It is clearly seen that lines are much less polarized in 1999 than in the later years.

For the later three sets the differences of the amplitude of the Stokes V profiles are

not nearly as significant. This can also be seen by comparing the Bz measurements.

The dataset of 2013 results in the strongest Bz measurements with a weighted mean

Bz of 555± 57 G. The ones of 2008 follow with a weighted mean Bz of 385±6 G. The

measured Bz values from the 2010 dataset are systematically weaker than from the

2008 dataset and have a weighted mean Bz of 340± 6 G. The weakest Bz values are

measured among the 4 epochs are measured from the 1999 dataset with a weighted

mean Bz of 191 ± 27 G. Short term variations of Bz within each set are observed,
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potentially showing a certain level of rotational modulation.

Figure 5.5 plots the Stokes I and V profiles of the narrow component of the He

I 5876 Å line. Similar to the photospheric LSD profiles in Figure 5.1, all the Stokes

profiles are rescaled so that the equivalent width of this line (the denominator in

Equation 6.1) is approximately the same for all the observations included and equals

to the one of Mar 26th. The level of circularly polarization in the narrow component of

this He I line is thus visually shown as the strength of Zeeman signature in the Stokes

V profile. Much stronger Zeeman signatures in the Stokes V profiles are found in the

dataset of 2013 than in the other three sets. The measured Bz values (∼4 kG) from

the 2013 profiles are about twice as strong as the ones measured from the profiles

of the other three years (∼2 kG) which show no significant differences throughout

the years except the night of Mar 20, 2008. The two observations obtained on this

night yield much weaker Bz measurements (∼1 kG). There is no apparent significant

rotational modulation.

Figures 5.6, 5.7 and 5.8 are the Stokes I and V profiles of the Ca II IR triplet.

Once again, the Zeeman signatures in the Stokes V profiles present in the dataset

of 2013 are the strongest among the four datasets, much stronger than the other

three. Lines appear to be more polarized in the dataset of 2010 than the ones in the

dataset of 2008. The weakest Zeeman signatures are again found in the two spectra

obtained on the night of Mar 20, 2008. No obvious rotational modulation is observed.

Even though these results are similar to the case of the He I 5876 Å line, the Ca II

IR triplet are not the ideal magnetic field tracers since they are strongly diluted

by chromospheric emissions as shown in Section 5.4.1. Because of that, changes in

the amplitude of Zeeman signatures in the Stokes V profiles or Bz measurements

do not necessarily indicate the same amount of change in the magnetic fields in the
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accretion shock regions where these lines are believed to form. The fact that we

still observe much stronger Zeeman signatures in 2013 indicates that the field has

increased so much that changes in chromospheric emission do not hide the changes

in the accretion field.

5.4.3.1 Field Geometry

Photospheric Bz is a disk-integrated, flux weighted mean of longidinal magnetic field

of the stellar photosphere. It is a measure that diagnoses the amplitudes of low order,

large scale fields, and the inclinations of the magnetic poles to the line of sight. Large

Bz values are expected from a magnetic configuration of a strong dipole at a low

inclination. Randomly oriented small scale fields result in weak Bz measurements

due to flux cancellation of opposite polarities. If there is a dark spot in the visible

hemisphere, the photospheric Bz would be dominated by the region outside the spot.

Photospheric magnetic fields on the stellar surface can be expanded as the sum of

a series of spherical harmonics. When integrated over the stellar disk, lower order

components of the series contribute much more to the mean longitudinal field than

higher order terms. The maximum Bz a dipole, a quadrupole and an octupole field can

reach is 0.324, 0.062 and -0.021 their polar field strengths respectively. This means

that if the spherical harmonic components are not viewed at some extreme angle, e.g.

90◦, or no extremely large spot exists in the visible hemisphere, or the polar field

strength of the dipole is not significantly (i.e. 10 times or more) weaker than the one

of other components, Bz measurements dominantly contain information on the dipole

component, which makes Bz a good diagnostic of this field component. As mentioned

in Section 5.4.1, the narrow component of the He I 5876 Å line is emission almost

entirely generated from accretion bright spots. Thus the polarization level of this line
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is a measure of the line of sight component of local field strength in the accretion

shock region.

Here we start out by assuming a single dark spot. Following JDF11, we further

assume the dark spot coincides with the accretion region. In Section 5.1 we mentioned

that TW Hya is almost pole-on with a very low inclination of about 15◦. With such

a configuration, if the magnetic pole is along the rotation axis and there exists a spot

at the polar region, the field indicated by the He I 5876 Å line should be about the

strength of the polar field. The photospheric Bz measurement is integrated outside

the spotted polar region. Assuming the field is a dipole, and the dipole axis is aligned

with the rotation axis, almost everywhere on the visible hemisphere of the star shows

the same polarity as the polar region, thus one would expect the same polarity for

the photospheric Bz measurements and the Bz from the He I 5876 Å line, even with

a spot covering the polar region where the strongest fields reside. However, this is

not what is observed. The bright accretion spot has negative polarity (pointing away

from observer) while the integrated photospheric longitudinal magnetic field over the

visible stellar disk has positive polarity. Therefore, higher order spherical harmonic

components must be present. This fact that photospheric lines and the He I 5876 Å

line show opposite field polarity is typically observed in CTTSs (Donati et al. 2012;

Chen & Johns-Krull 2013). JDF11 find that TW Hya is dominated by the octupolar

field component.

5.4.3.2 Rotation Modulation

As is shown in Figure 5.2, measurements of different properties show different lev-

els of rotational modulation. With the 6 and 4 available observations in 1999 and

2013 respectively, no conclusion can be made on whether rotational modulation is
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present for any measurement. However, from the 2008 and 2010 data, there are 13

observations available each, covering several rotation cycles, and an obvious rotational

modulation is clearly shown in the RV plot with a peak-to-peak variation of about 0.5

km/s, which is believed to be caused by a dark spot off the rotation pole (JFD11).

We have also found a moderate level of rotational modulation in the photospheric

mean longitudinal field measurements with a peak-to-peak variation of about 200 G,

indicating that a non-zero but small stellar inclination and the misalignment between

the stellar rotation axis and magnetic poles.

Here we try to model this variation due to stellar rotation adopting a similar

method used in Chen & Johns-Krull (2013). Our goal here is to model the measured

variations of the LSD Stokes I and V profiles, the veiling, the RV from photospheric

lines and the Bz values from the He I 5876 Å line. The Bz measurements from

the Ca II IR triplet are not used here as constraints since they are highly diluted by

chromospheric emission. Zeeman Doppler imaging analysis carried out by JFD11 first

tries to map the stellar surface and then fits this map with spherical harmonic field

components; however, our model first assumes that the large scale field geometry on

the stellar surface consists of a combination of some certain components of spherical

harmonic expansion (dipole, quadrupole, octupole) which can vary in the model by

changing certain parameters of these components (polar field Bp, inclination of the

magnetic axis with respect to the rotation axis, θ, and azimuthal position of the

magnetic pole at phase zero ϕ). We essentially skip the first step of trying to determine

a Doppler image map of the surface. JFD11 find that the large scale field topology

on TW Hya consists of a dominant octupolar component and a much weaker dipolar

component. Following JDF11, here we assume a combination of a dipolar and an

octupolar component. The significance of the two components are discussed in Section
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5.4.3.4. Our model also includes both a dark spot and an accretion spot. Each of

them contains the following 3 paramters, meridional offset from the rotation pole in

the visible hemisphere (θ), azimuthal position at phase zero (ϕ) and spot size in units

of the area of a half sphere (s). We assume neither the dark spot or the bright spot

has a contribution to the photospheric flux spectrum. The dark spot is needed to

potentially reproduce the photospheric RV measurements and is also an important

component in reconciling the opposite polarities in the photospheric lines relative to

the emission lines. The bright spot is needed to produce the He I polarization. The

size of the accretion spot is not a free parameter in our model and it is constrained

by the veiling measurements. We have adpoted an effective temperature of 4000 K

for TW Hya and the slab models for emission from the accretion column by Cauley

et al. (2012, private communication). We then use the intensity ratios between the

emission slab at the accretion spot and the photosphere continuum together with the

measured values for veiling to fix the filling factor (size) of the accretion spot.

To model the LSD Stokes I and V photospheric profiles, we assume a Voigt profile

for the local line intrinsic profile, a Gaussian instrumental broadening corresponding

to the resolution of the instrument ( 60,000 for the 1999 and 2013 data collected at

McDonald Observatory and 65,000 for the 2008 and 2010 data collected at CFHT)

and a Zeeman triplet as the splitting pattern for this line. We adopt a wavelength of

5000 Å and a Landé-g factor of 1 for the line, a v sin i of 4 km/s for the rotational

broadening and a stellar inclination of 15◦.

We start by determining the best values for parameters of the Voigt profile as well

as the relative veiling for each night. To do so, we perform a fit to the time-series

Stokes I profiles. The relative veiling is set to be zero for the night when the Stokes

I profile is least veiled, i.e. the Stokes I profile has the largest EW.
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We then use the fitted Voigt profile and relative veiling values obtained above as

known parameters to perform a fit to the time-series of Stokes I and V profiles simul-

taneously. With a given set of parameters that define the magnetic field geometry

and the dark and accretion spot, we can compute a set of Stokes I and V profiles as

well as values of the photospheric RV and Bz in the accretion spot region. Comparing

the computed values with the measured ones, we can calculate the reduced χ2 for the

given set of parameters. We then use the Marquardt method (Bevington & Robinson

1992) to search the best values of the parameters that minimize the reduced χ2. The

far wings of the LSD Stokes I and V profiles do not contain useful signals, therefore

throughout the fitting process, only sections of the profiles within -30 km/s to +30

km/s are used.

Figure 5.10 : Model fitting results for the 1999 dataset. The dark spot is drawn in
black, and the bright spot is drawn in red. Same colors are used for spots in the
following figures.
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Figure 5.11 : Model fitting results for the 2008 dataset.
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Figure 5.12 : Model fitting results for the 2010 dataset.

Figure 5.13 : Model fitting results for the 2013 dataset.
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Figure 5.10, Figure 5.11, Figure 5.12 and Figure 5.13 demonstrate the results

of the model fitting for the four epochs. The LSD Stokes profiles are plotted in

histogram from -50 km/s to 50 km/s. The fitted profiles are overplotted as a red solid

line. RV values are calculated from the fitted profiles, and are compared against the

observed values in the upper right panels. The bottom right panels are comparisons

between measured Bz values at the accretion spot region and the fitted ones. The

fitted parameters of our models are shown in Table 5.6. Visually the best fit is for

epoch 2010. Our model not only fits well the time series of profiles but also reproduces

the rotational modulation in RV measurements and the almost constant Bz values at

the accretion spot region. The overall reduced χ2 is 1.99. It is likely that this fit

benefits from having the best phase coverage and time resolution. The poorest fit

is for the 1999 epoch. The reduced χ2 reaches as high as 7.93. The Stokes I and

V profiles are relatively well reproduced. The RV variation is within the range of

its uncertainty. However, the model has difficulty fitting the Bz measurements at the

accretion spot regions. The reason this is happening might be due to the fact that the

accretion spot region has very similar magnetic field strength compared to the next

two epochs (2008 and 2010) whereas the magnetic signatures in the LSD Stokes V

profiles are much weaker, with an amplitude of about one fourth the strength in 2008

and 2010. This likely means another higher order component other than the dipole

and octupole is contributing significantly at this time. Since this component has a

more complex configuration, it does not contribute much to the Zeeman signatures

in the Stokes V from the photosphere but is responsible for the offset of the current

fitted Bz values at the accretion spot region from the measurements. Our model fit

for epoch 2008 has a reduced χ2 of 1.61, less than 1.99, the reduced χ2 of our model

fit for the 2010 epoch. The LSD Stokes profiles are fairly well fitted. However this
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does not mean our model fits the 2008 data better. First, from epoch 2008 there are

11 observations available (with the two peculiar ones removed) while the number is

13 for the 2010 epoch. There are more constraints when applying our model to the

2010 data than to the 2008 data, hence probably higher reduced χ2 values. Moreover,

the RV variations from modeling the the Stokes I profiles are not as well reproduced,

and neither are the measured Bz values at the accretion spot region. Even though

the number of available observations are comparable between 2008 and 2010, the

phase coverage is not as good in 2008. The observations are concentrated in three

groups, leaving phase gaps from 0.91 to 0.27, from 0.33 to 0.45 and from 0.63 to 0.87,

which make up more than half the phase range. This may explain the difficulty in

finding a better solution for our model fitting. Our model is able to fit the data from

epoch 2013 much better than for data from epoch 1999, yielding a reduced χ2 of 1.34

compared to 7.93 for epoch 1999. The LSD Stokes profiles are fairly well recovered,

as well as the measured RV values, whereas the predicted Bz values at the accretion

shock region are all much weaker than actually measured. Again, this may indicate

that there are other higher order field components other than the dipole and octupole

contributing at a significant level at this time. For the data from all four epochs, the

dominant octupolar components recovered by our model lie very close to the rotation

axis, consistent with the very simple “S” shape Zeeman signatures in the Stokes V

profiles for all the epochs.

5.4.3.3 Long Term Variability

With four epochs of spectropolametric data we have measured different properties

including RV, LSD Stokes I and V profiles from several hundred photospheric lines

as well as longitudinal magnetic field in the accretion shock region from four emission
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lines. Fitting these results yield models that attempt to explain the varations observed

in these measurements and Stokes profiles within each epoch. Here we discuss the

long term magnetic variability of TW Hya.

As is shown in the plots, the datasets of 2008 and 2010, with the two data points

from the night of March 20, 2008 excluded, show very similar RV and magnetic

characteristics. The 2008 dataset does not have good phase coverage from phase 0

to about 0.25 and from phase 0.7 to phase 0.9, leaving gaps in these phase intervals.

The 2010 dataset provides 6 more observations to fill these gaps. Results from the

11 observations in 2008 follow more or less the same variation trend that the results

from the 13 observations in 2010 show. From such similar rotational modulation we

would expect very similar results from our model fit in the previous section, which is

not quite what we find. The octupolar component, the dominant component of the

large scale magnetic field, is almost the same for the two epochs. The angle between

its positive pole and the rotation pole in the visible hemisphere is about 170◦, which,

given the stellar inclination to be 15◦, suggests that the magnetic pole lies very close

to the rotation axis, within 10◦, and has its negative pole pointing towards us. This

is exactly what JDF11 found from their recovered magnetic maps. The polar fields

of this component are found to be a little different for the two epochs. For 2008 the

polar field for the octupolar component is about 3.7 kG while this value is 3.1 kG for

2010. This may explain the slightly weaker photospheric Bz measured. The octupole

in both epochs is dominating the dipole. The recovered polar field of the dipolar

component for the two epochs are comparable, however the inclination is different.

JDF11 mentioned that the field strength of the dipolar component could not be well

constrained due to the strong constrast between the field strengths of the octupolar

and dipolar components. A major difference from the fitted models for these two
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epochs is the location of the dark spot and the spots at neither epoch are close to the

pole for our model.

These results show both similarities and differences compared with results from

JFD11. The inclination of the dominant octupolar component recovered agrees very

well between the two studies; however, stronger polar field strength is found here. This

may be due to the fact that JFD11 uses a filling factor Ψ, which means that in each

grid on the stellar surface, only Ψ of its area is covered by large scale magnetic field

while the other 1-Ψ is magnetic field free. With a filling factor of 0.4, which best fits

the observed profiles in JFD11, a 2 kG field actually corresponds to a 5 kG covering

40% of the area. This makes the wings of the Zeeman signatures to correspond to

weaker fields (Donati et al. 2008; Chen & Johns-Krull 2013). In our model, the filling

factor is unity. To reach out as far as the observed Zeeman signatures in the LSD

Stokes V profiles, stronger field is needed. The recovered dipole components for both

epochs from both studies are almost anti-parallel to the octupole components.

The datasets of 1999 and 2013 show quite different magnetic properties from each

other as well as from the other two datasets. Our model for the 1999 data shows that

the octuplar component is about 1.4 kG, only 1/3 the value from other epochs. This

appears to be a significant change. If higher order field component do exist strongly

at this time, this component has vanished or has been transformed into lower order

components in the later epochs.

The model fitting result for epoch 2013 is quite intriguing. From the fact that the

measured Bz values (both photospheric and at the accretion spot region) are greater

than from previous epochs it is naturally expected that the strength of the magnetic

field itself has increased. However this may not exactly be the case. The recovered

polar fields are 3.6 kG for the octupole and 850 G for the dipole, which are basi-
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cally the same as the polar fields recovered from the 2008 epoch. The reason for the

enhanced Bz measurements is due to a ∼ 180◦ flip of the dipole component, which

changes from being anti-parallel to parallel with the octupole. Polar fields which orig-

inally have opposite polarities and cancel each other out now have the same polarity

and add up, hence the increase in the measured Bz values. Similar things happen

on the Sun whose global field geometry is a dipole. Its magnetic pole flips roughly

every 11 years. This may be happening on TW Hya. Given the more active nature of

TTSs and their faster rotation rate, we might expect a shorter time interval between

when the reversals happen. The fact that the octupolar component hasn’t changed

much over these years may suggest that the dipolar and octupolar components are

generated from different dynamo mechanisms, of which one maintains the octupo-

lar component while the other is responsible for causing the polarity reversal of the

dipole.

The model fits in Table 5.6 indicate that the magnetic field structure on TW

Hya has changed between the various epochs. It is natural to ask how reliable that

result is, particularly since it has implications for whether the fields originate in a

stellar dynamo or are fossil in nature. Essentially, the question is how unique are

the recovered field structures? One way to attack the variation problem is to use

the fitted magnetic parameters for one epoch to try to fit the measurements from

another epoch, letting the parameters of the spots vary. This then tests whether

the global fields changed, or whether just the details of the spot structures on the

surface have changed. Here, we use the fitted parameters for the data from 2008,

fix the parameters of the dipolar and octupolar components (polar fields Bp, 950 G

and 3.7 kG respectively, angles between the rotation axis and the positive magnetic

pole θ, 17◦ and 169◦, and the offset between the azimuthal positions of the two
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components ϕ, 0.94 − 0.55 = 0.39), and let the other parameters vary to find the

best fit. This allows us to estimate how different the recovered magnetic properties

actually are. The results are shown in Figure 5.14, Figure 5.15 and Figure 5.16, and

the fitted parameters are shown in Table 5.7. The resulting fits are in general not

as good as the previous fits. The LSD Stokes V profiles from the 1999 data and the

Bz measurements at the accretion spot regions from both the 1999 and 2013 data

are poorly fitted, suggesting that the magnetic field geometry on TW Hya in 1999

and 2013 is substantially different from the field geometry in 2008. For epoch 2010,

other than the Bz measurements at the accretion spot regions, using the slightly

stronger polar fields does not change much about other parameters. Therefore the

fitted models for epoch 2008 and 2010 in Table 5.6 are not so different in terms of

the large scale field properties.

Figure 5.14 : Model fitting results for the 1999 dataset using the 2008 model.
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Figure 5.15 : Model fitting results for the 2010 dataset using the 2008 model.

Figure 5.16 : Model fitting results for the 2013 dataset using the 2008 model.
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Another approach to understand the extent that one model fit is different from

another is to better understand the uncertainties of the fitted parameters. To get a

handle on this we use the 2010 dataset, split it into two subgroups, and then apply the

model fitting procedure described above to get the best fit. The differences between

the corresponding parameters from the model fit of two subgroups provide some

information on the uncertainties. First we split the 2010 data by grouping every

other observation in the phase domain together into one subgroup A and the rest

into another subgroup B. A model fitting routine yields results shown in Figure 5.17,

Figure 5.18 and the first two rows in Table 5.8. Most of the parameters are found to

be very similar from subgroup A and B. However the azimuthal position at phase

zero of the dipolar component, the octupolar component and the arrection spot differ

from each other by some amount, which suggests that they are not well contrained by

our model with the given system parameters. Given the low stellar inclination (15◦),

the small angles between the rotation axis and the magnetic poles of the dipolar and

octupolar components (10◦), this is not too surprising. Differences in the azimuthal

position at phase zero of the magnetic components do not change the overall magnetic

structure at a significant level. The polar field strengths and inclinations of the dipolar

and octupolar components, on the other hand, are relatively well constrained, and

reasonable uncertainties are of the order of a few hundred gauss for the polar field

strengths and a few degree for the inclinations.
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Figure 5.17 : Model fitting results for the 2010 subgroup A.

Figure 5.18 : Model fitting results for the 2010 subgroup B.
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We next split the 2010 data by grouping every other observation in the time

domain together into subgroup C and the rest into subgroup D. Model fit results are

plotted in Figure 5.19 and Figure 5.20 and the parameters are tabulated in the last two

rows of Table 5.8. The recovered polar field strengths and inclinations of the dipolar

and octupolar components are similar to the ones obtained above, indicating that

these parameters are well constrained by the modeling procedure. The zero phases

recovered are again different for the two subgroups C and D. A major difference

between the results here from subgroups C and D and the ones above from subgroups

A and B is the location of the dark spot. The recovered dark spot position is more

different between C and D (18◦ and 54◦) than between C and D (30◦ and 32◦). This

is likely due to the fact that subgroups divided in the phase domain (A and B) both

have relatively better overall phase coverage compared to the ones divided in the

time domain (C and D). This may well explain the different spot location recovered

from the 2008 data and 2010 data even though they show quite similar rotational

modulation since the phase coverage of the 2008 data is not as good as the 2010 data.

5.4.3.4 Significance of the Dipolar and Octupolar Components

In the sections above we follow the reconstructed magnetic maps by JFD11 and

construct our model with a dipolar and an octupolar component. Here we examine

the significance of the two components by fitting the 2010 data assuming that the

field geometry is a pure dipole or a pure octupole. The extent that these models are

able to fit the observations indicate the level of significance of the corresponding field

components. The results are shown in Figure 5.21, Figure 5.22 and Table 5.9. As

is shown the model with a pure dipole can not fit the observations well in several

ways. First and the most obvious, fitting the measured Bz values at the accretion



124

Figure 5.19 : Model fitting results for the 2010 subgroup C.

spot region which have negative polarity while at the same time the photospheric Bz

measurements have positive polarity. The dipole model is not able to simultaneously

fit these two polarities. The reversal of polarity between the accretion shock lines and

the photosphere is consistently observed at all epochs, indicating that a dipole alone

is never a good match. Another inconsistency between the fit and the observations

is that the recovered field in our best fit (a dipole with a polar field of 700 G) is

not strong enough to produce the Zeeman signatures in the observed LSD Stokes V

profiles in the far wings of most of the profiles.

The model with a pure octupole, on the other hand, can fit the observations

reasonably well. It reproduces the observed LSD Stokes I and V profiles well. The

calcuated RV from the fitted Stokes I profiles agree well with the ones calculated
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Figure 5.20 : Model fitting results for the 2013 subgroup D.

from the observed Stokes I profiles. The recovered field in our best fit of just an

octupole (a polar field of 2800 G inclined by 165◦ with respect to the rotation axis)

is also consistent with the octupolar component recovered by our model fit with

both a dipolar component and an octupolar component. However, the Bz values in

the accretion spot region are not as well fit by the octupole only comapred to the

octupole plus dipole model. Applying this pure otcupole model to other 3 datasets

yields similar outcome. The fitting results are similar but slightly worse than using a

combination of dipole and octupole (Figure 5.23, Figure 5.24 and Figure 5.25).

This test indicates that the magnetic field on TW Hya has a dominant octupolar

component. The fact that model with a combination of a dipolar and octupolar

component fits the observations slightly better than a pure octupole model indicates

the possible presence of a weaker dipolar component. A similar conclusion was reached



126

by Donati et al. (2011a) based on the relative weakness of the dipole component.

Figure 5.21 : Model fitting results with a pure dipole using the 2010 dataset. Note:
the He I 5876 A Bz values from the model are all positive in the lower right panel.
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Figure 5.22 : Model fitting results with a pure octupole using the 2010 dataset.

Figure 5.23 : Model fitting results with a pure octupole using the 1999 dataset.
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Figure 5.24 : Model fitting results with a pure octupole using the 2008 dataset.

Figure 5.25 : Model fitting results with a pure octupole using the 2013 dataset.
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Chapter 6

Locations of Accretion Spots on Classical T Tauri

Stars

6.1 Introduction

Early theoretical models assumed a magnetic field geometry with a pure dipole aligned

with the rotation axis. Even though these models are able to reproduce many obser-

vational facts, more and more evidence has shown that field geometries on CTTSs are

more complex than a pure dipole. Johns-Krull & Gafford (2002) gathered from the

literature data for 23 CTTSs, some of which have been observed in multiple epochs,

to look for the predicted correlations between magnetic field strengths and stellar

and accretion parameters produced by magnetospheric accretion models assuming an

aligned dipolar configuration. The predicted correlations are not generally observed.

Similar results have also been obtained by Johns-Krull (2007) where the author stud-

ied 14 CTTSs and found no correlation betwen the measured field strengths and the

predicted strengths from pure dipolar field models. The geometry is important for

determing where on the star accretion occurs (Gregory et al. 2010; Gregory 2011).

A more straightforward way to probe magnetic field geometry is spectropolarime-

try. Different Stokes profiles measure different senses of polarization. Stokes V is

a measure of circular polarization which, to the first order, provides information of

line-of-sight component of the magnetic field i.e. longitudinal field, while Stokes Q

and U show linear polarization signatures and provides information of the field com-
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ponent in the plane of sky. Circular polarization observations for various CTTSs

(Johns-Krull et al. 1999a; Valenti & Johns-Krull 2004; Daou et al. 2006; Yang et al.

2007) have shown that longitudinal field measurements made by averaging dozens of

photospheric lines are not consistent with a pure dipolar geometry, aligned or inclined

with respect to the rotation axis, suggesting that a more complicated geometry must

be present at the stellar surface of CTTSs. More sophisticated techniques such as

Zeeman Doppler Imaging (ZDI) have also been developed and applied to time se-

ries of Stokes I and V profiles to map surface magnetic fields on CTTSs. Since the

first magnetic map published on V2129 Oph (Donati et al. 2007), which is the first

of a series of papers for the ’Magnetic Protostars and Planets’ program, there have

been about 10 more CTTSs that have been studied using this technique (Gregory &

Donati 2011, and references therein). These maps reveal that all of the stars have

field geometries more complicated than a pure dipole, and in some cases, higher or-

der components dominate. Based on these recovered maps, Gregory et al. (2012)

argue that the global magnetic topology of a CTTS is closely related to the devel-

opment of a radiative core, i.e. the CTTSs with a significant portion of a radiative

core tend to host doninantly high-order non-axisymmetric magnetic fields while fully

convective stars usually possess dominantly axisymmetirc magnetic fields with strong

dipole components. Field extrapolations using these recovered maps as one of the

two boundary conditions for several CTTSs have been carried out by Gregory et al.

(2005, 2006, 2008). The authors find that the magnetic field geometry is critical in

controlling the accretion funnel flows and thus the locations of accretion hot spots

on the stellar surface. With complex magnetic field configurations hot spots can be

expected to be located at a range of latitudes and often at low latitudes towards the

stellar equator.
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Accompanying the observational evidences showing that magnetic field geometries

on CTTSs are more complicated than an assumed dipole is the evolution of theoretical

models and simulations of the accretion processes of CTTSs with more complex field

configurations. Romanova et al. (2003, 2004) carried out fully three-dimensional MHD

simulations of magnetospheric accretion on a slowly rotating star with its magnetic

field as a dipole inclined at various angles, θ, with respect to the rotation axis. The

goal was to investigate how the pattern of the magnetospheric accretion flow changes

with θ, and they find that the pattern of funnel flows becomes nonaxisymmetric

even at a very small value of θ. They also find that there are four funnel streams

for 30◦ . θ . 60◦ but two for other values of θ; however, the geometries of these

funnel streams are substantially different for θ . 30◦ and θ & 60◦. As a result,

where on the stellar surface these funnel streams land, i.e. the locations of accretion

hot spots, change with θ. Mohanty & Shu (2008) present a generalized X-wind

model which involves superposition of multipole stellar fields. Their work shows

that more complex field geometries produce smaller accretion hot spots. Moreover,

accretion flows including the locations of accretion hot spots are highly dependent on

the details of the field geometry between the stellar surface and the inner disk region.

In particular, Mohanty & Shu (2008) show that a large corotation radius yields a

simpler geometry and high latitude locations of hot spots, while a small coratation

radius yields more a complex geometry and hot spots at lower latitudes, similar to

the results obtained by Gregory et al. (2008). Therefore, the location of accretion hot

spots contains information about the magnetic field geometry in the star-disk system

of CTTSs.

In this chapter we use time series of spectropolarimetric data covering almost full

rotation periods on several CTTSs to model the rotation of accretion hot spots and
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to locate them on the stellar surface.

6.2 Observations and Data Reduction

Four epochs of spectropolarimetric data were collected at McDonald Observatory in

1998, 1999, 2009 and 2013 respectively, using the Zeeman Analyzer (ZA, Vogt et al.

1980) and the Robert G. Tull cross-dispersed Coudé echelle spectrometer (Tull et al.

1995) at the 2.7 m Harlan J. Smith Telescope described in Chapter 3. Table 6.1

provides a journal of observations, including star names, starting observation dates

and times (UT), Julian dates, number of exposures, exposure times and signal-to-

noise per pixel in the He I 5876 Å line region. All the spectra are reduced using the

echelle reduction package described in Valenti (1994). Thorium-Argon spectra are

used for wavelength calibration.

Table 6.1 : Journal of Observations

Julian Date Expo He I 5876 Å

Star UT Date UT Time (2400000+) Nexp Time (s) S/N

AA Tau 11/26/1998 10:34 51143.970 2 4500 23

11/27/1998 08:29 51144.884 2 4500 19

11/28/1998 09:32 51145.935 2 6000 24

12/01/1998 09:12 51148.916 2 5000 56

BP Tau 11/26/1998 05:18 51143.761 2 3600 35

11/27/1998 03:04 51144.679 2 6700 40

11/28/1998 03:21 51145.678 2 6000 50

11/29/1998 03:14 51146.673 2 6000 34
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11/30/1998 04:05 51147.709 2 6000 34

12/01/1998 03:27 51148.677 2 5000 56

DF Tau 11/26/1998 07:45 51143.851 2 3600 33

11/27/1998 05:32 51144.761 2 4500 19

11/28/1998 06:37 51145.807 2 4500 32

11/29/1998 05:03 51146.755 2 6700 34

11/30/1998 05:58 51147.791 2 6700 21

12/01/1998 05:00 51148.737 2 4500 41

DK Tau 11/26/1998 09:05 51143.908 2 4500 30

11/27/1998 07:01 51144.825 2 4500 31

11/28/1998 08:02 51145.865 2 4500 48

11/29/1998 07:08 51146.839 2 6700 16

11/30/1998 08:17 51147.883 2 6000 35

12/01/1998 06:26 51148.799 2 4500 60

TW Hya 04/21/1999 03:54 51289.693 2 4300 80

04/22/1999 04:12 51290.707 2 4700 51

04/23/1999 03:44 51291.686 2 4700 72

04/24/1999 03:38 51292.682 2 4700 37

04/25/1999 04:47 51293.733 2 4700 36

04/26/1999 03:37 51294.682 2 4700 62

BP Tau 11/03/2009 07:53 55138.830 2 4500 48

11/04/2009 04:56 55139.736 2 4500 41

11/05/2009 04:38 55140.730 2 4800 37

11/06/2009 06:46 55141.813 2 4800 32

11/07/2009 10:28 55142.966 2 4500 29
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11/08/2009 09:54 55143.949 2 5800 20

11/09/2009 06:21 55144.796 2 4800 28

DF Tau 11/03/2009 11:08 55138.994 2 4500 40

11/04/2009 09:15 55139.916 2 4500 57

11/05/2009 08:17 55140.875 2 4500 44

11/06/2009 11:37 55142.003 2 2500 23

11/09/2009 08:55 55144.902 2 4500 35

DK Tau 11/03/2009 08:41 55138.897 2 5400 31

11/04/2009 06:38 55139.814 2 5400 44

11/05/2009 06:35 55140.809 2 5400 38

11/06/2009 09:22 55141.926 2 5400 25

11/07/2009 08:42 55142.897 2 5400 35

11/09/2009 10:22 55144.975 2 5500 16

DR Tau 11/04/2009 11:18 55139.993 2 3000 55

11/05/2009 10:27 55140.965 2 4500 44

11/06/2009 04:30 55141.718 2 4500 31

11/07/2009 04:26 55142.715 2 4500 21

11/08/2009 04:51 55143.733 2 4500 26

11/09/2009 04:16 55144.708 2 4500 57

TW Hya 02/01/2013 08:36 56324.886 2 4000 67

02/02/2013 09:35 56325.928 2 4400 37

02/03/2013 07:52 56326.869 2 6600 61

02/04/2013 09:09 56327.915 2 5400 66
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6.3 Analysis and Results

The He I 5876 Å emission line in the spectra of the stars in this study appears to

consist of two distinct features, an asymmetric narrow component (NC) with a steep

blue wing and a gentler red wing on top of a broad component (BC), as is found in

previous studies (e.g. Batalha et al. 1996). It is believed that this line, at least on

some CTTSs, is formed in the accretion shock region where accreting disk material

hits the stellar photosphere, with the NC formed in the post shock region with a

more confined velocity range and the BC partly formed in the pre-shock region with

a broader velocity range (Donati et al. 2011a). Studies have also shown that the BC

itself is composite and displays a diversity of kinematic properties (Beristain et al.

2001). This component is also highly variable from night to night and from star to

star. It has been observed both blueshifted and redshifted, suggesting origins from

both accretion flow and outflowing hot wind. In most cases, it is found that the

NC is strongly circularly polarized at a level that would result from a magnetic field

of several kilo-gauss, whereas no circular polarization is evident in the BC. Smirnov

et al. (2004) claim to have detected some polarization from the BC from T Tau but

they gave no uncertainty estimates. In this paper, we use the longitudinal magnetic

fields measured from the NC of this He I 5876 Å line as the tracer of the accretion

hot spots at the stellar surface. Therefore, it is necessary to separate the NC from

the BC. Different authors have used different methods to do this. Here we adopt the

method used in Batalha et al. (1996) where a single Gaussian is fitted to the regions

outside the NC which is then subtracted off from the emission line, leaving only the

NC. The boundaries in this fitting are identified by eye. In some cases, when inverse

P-cygni profiles are noticable, double Gaussians are fitted to the regions outside the

NC. A demonstration of this method is shown in Figure 6.1 where the He I 5876 Å
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line profiles of two stars, DF Tau on 28 November 1998 and DR Tau on 6 November

2009 are plotted. For DF Tau, the redshifted absorption feature, if exists at all, is not

noticable, so a single Gaussian is fitted to the BC and the recovered BC is plotted.

For DR Tau, there is a noticable redshift absorption feature, so the BC is fitted with

two Gaussians.

Figure 6.1 : Continuum normalized He I 5876 Å line profiles of DF Tau on Nov 28th,
1998 (the top panel) and DR Tau on Nov 6th, 2009 (the bottom panel) are shown in
the histogram. Also plotted are Gaussian fits to the BC which are shown as red solid
line. The two panels represent two cases, one with (bottom) and one without (top)
a noticable redshift absorption feature. The top panel is a single Gaussian fit while
the bottom panel is a double Gaussian fit.

Another potential choice as an accretion diagnostic is to use the Ca II infrared
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(IR) triplet lines at 8498 Å, 8542 Å and 8662 Å which is also partially powered by

accretion. Like the He I 5876 Å line, the Ca II triplet are also comprised of at least

two distinct features, a symmetric central NC in emission and a BC with various

shapes: absorption, emission or sometimes even a mixture of both depending on the

accretion rates and flow structures. Figure 6.2 shows three cases with different BC

shapes: pure absorption in the top panel; pure emission in the middle panel; and a

mixture of both in the bottom panel. The NC of the Ca II IR triplet lines also show

a high level of circular polarization. Because of the smaller noise levels, narrower line

width and simpler Zeeman signatures, the series of papers for ’Magnetic Protostars

and Planets’ program (hereafter, MaPP papers) such as Donati et al. (2007) have

used the Ca II IR triplet lines in their ZDI method instead of the He I 5876 Å line.

The authors model the rotational modulation of the profile of this triplet to retrieve

information on the location of accretion spots at the stellar surface as shown in their

Doppler maps.

To use the Ca II IR triplet, some obstacles need to be overcome. Firstly, as shown

in Figure 6.2, the profile of the BC of the Ca II IR triplet can be quite complex which

makes separating the NC from the BC difficult at times. In the case of DR Tau, the

BC dominates the NC, making it difficult to even identify the NC and its boundaries;

however, this is not the case for the He I 5876 Å line (Figure 6.1). In the case of

DK Tau, the profile of the BC is highly variable. Within only one day, it can change

from no apparent emission or absorption to a mixture of both. In addition, there is

a Paschen line in the vicinity (within 150 km/s) of each component of this triplet

blending with their BC, further hindering the separation of the two components.

Finally, the NC of the Ca II IR triplet lines consist of contributions from both an

accretion powered emission source and a chromospheric one. Batalha et al. (1996)
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carried out an extensive study of the NC of the He I 5876 Å line and the Ca II IR

triplet for a total of 28 TTSs, including both CTTSs and WTTSs. Equivalent width

(EW) measurements for both the NC and the BC of these lines are shown in Table

1 in their paper. Generally, WTTSs show no or very weak emission in the BC of all

listed lines and also in the NC of the He I 5876 Å line whereas a significant amout of

emission is found in the NC of the Ca II IR triplet. This contamination is also found

in the Ca II IR triplet profiles from ZDI performed by MaPP where in most cases,

such as TW Hya (Donati et al. 2011a), the chromspheric contribution dominates the

NC. The He I 5876 Å line does not suffer from as many obstacles as the Ca II IR

triplet and therefore may represent a clearer probe of the accretion foot points. The

profiles of the He I BC are simpler without significant blending of other emission

lines. Compared to the contributions from accretion, chromospheric components are

neglegible (Batalha et al. 1996).

While He I likely represents a better probe on the accretion foot points, we also

measure the field in the NC of the Ca II lines to provide more constrains. The Ca II

triplet line profiles of AA Tau, BP Tau and TW Hya are relatively simple, mainly a

broad absorption feature and a symmetric narrow component near stellar rest velocity.

For these stars, the Ca II lines are fitted using a Voigt profile and a Gaussian, the

former being the BC and the latter the NC. For DF Tau and DK Tau, the profiles are

highly variable. The Ca II lines are fitted on a case by case basis with the majority

fitted by one Voigt profile and three Gaussian. The Voigt profile is for the absorption

feature in the BC, one Gaussian for the emission feature in the BC, another Gaussian

for the NC, and the last Gaussian for the Hydrogen lines in the vincinity. In the

fitted profile, components other than the NC are considered to be the BC.

After separating the BC from the NC of the He I 5876 Å line, we subtract it off
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from the line profile and add one to bring the continuum of the NC back to unity.

The mean longitudinal field can be calculated using the ”integral” method (Mathys

1989) given by:

Bz = −4πmec

eλg

∫
vV (v) dv∫

[1− I(v)] dv
= −7.14× 106

λg

∫
vV (v) dv∫

[1− I(v)] dv
, (6.1)

σBz = |Bz|
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2
V i

|
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viVi|2
+
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σ2
Ii

|
n∑

i=m

(1− Ii)|2
, (6.2)

where Bz and σBz are the mean longitudinal field and its uncertainty in gauss respec-

tively, σIi and σV i uncertainties of the Stokes I and V profiles, wavelength λ in Å,

and velocities, v in km/s.

Each set of the observations for each star has a time span of several nights covering

almost a full rotation cycle. For TW Hya whose rotation period is as short as 3.6

days (Huélamo et al. 2008), almost two rotation cycles were covered. Time-series of

Bz measurements from these sets of observations are calculated using Equation 6.1

and 6.2 above. These measurements are given in Table 6.2.

Table 6.2 : Mean Longitudinal Magnetic Fields of Emis-
sion Lines in gauss

He I Ca II IRT

Star UT Date 5876 Å 8498 Å 8542 Å

AA Tau 11/26/1998 −2100± 670 −1150± 460 −710± 450

11/27/1998 −3600± 580 −1020± 590 −1350± 460

11/28/1998 −1330± 430 −800± 430 −570± 410

12/01/1998 −1330± 350 −60± 320 −200± 210

BP Tau 11/26/1998 4220± 360 1100± 310 1650± 270
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11/27/1998 1440± 270 910± 270 950± 220

11/28/1998 700± 220 710± 220 780± 220

11/29/1998 1210± 470 600± 380 −30± 340

11/30/1998 660± 480 −100± 360 −610± 370

12/01/1998 690± 240 480± 220 240± 180

DF Tau 11/26/1998 −1270± 310 −430± 330 −830± 220

11/27/1998 −760± 300 −210± 240 −380± 240

11/28/1998 −1280± 170 −570± 330 −200± 260

11/29/1998 −1890± 220 −710± 310 −1340± 330

11/30/1998 −2200± 610 −870± 1080 −3270± 1530

12/01/1998 −1590± 270 110± 330 −1160± 290

DK Tau 11/26/1998 1560± 290 420± 260 1030± 270

11/27/1998 1940± 370 610± 250 1290± 490

11/28/1998 −400± 340 140± 230 −60± 200

11/29/1998 −1860± 1570 −30± 800 −380± 530

11/30/1998 −1980± 580 20± 280 −120± 280

12/01/1998 1110± 200 640± 200 600± 200

TW Hya 04/21/1999 −2020± 180 −540± 140 —

04/22/1999 −2690± 320 −360± 250 —

04/23/1999 −2570± 220 −450± 220 —

04/24/1999 −1430± 430 −430± 1220 —

04/25/1999 −2730± 420 −730± 220 —

04/26/1999 −2210± 200 −360± 140 —

BP Tau 11/03/2009 2420± 230 710± 190 —

11/04/2009 2200± 420 620± 190 —
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11/05/2009 630± 230 550± 180 —

11/06/2009 1660± 240 570± 240 —

11/07/2009 2140± 350 730± 200 —

11/08/2009 1630± 510 1070± 330 —

11/09/2009 1200± 390 −160± 290 —

DF Tau 11/03/2009 −1660± 160 −120± 570 —

11/04/2009 −2420± 160 −720± 440 —

11/05/2009 −1580± 190 −550± 380 —

11/06/2009 −2610± 330 1510± 450 —

11/09/2009 −1090± 210 −690± 310 —

DK Tau 11/03/2009 1250± 590 400± 170 —

11/04/2009 −410± 660 990± 320 —

11/05/2009 −180± 830 1110± 270 —

11/06/2009 2180± 730 120± 370 —

11/07/2009 1210± 390 2180± 280 —

11/09/2009 −470± 780 −1030± 580 —

DR Tau 11/04/2009 −2690± 600 — —

11/05/2009 −3110± 570 — —

11/06/2009 −3620± 780 — —

11/07/2009 −3910± 1520 — —

11/08/2009 −2410± 780 — —

11/09/2009 −3350± 480 — —

TW Hya 02/01/2013 −4530± 180 −700± 150 −870± 120

02/02/2013 −4320± 290 −740± 210 −1020± 190

02/03/2013 −4280± 180 −1090± 170 −1520± 130
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02/04/2013 −4200± 130 −1210± 130 −1140± 120

Each set of Bz measurements are then used in a single spot model to fit their

temporal variations. We have simplified this model fitting problem by the following

assumptions: (1) the temporal variations are due to stellar rotation; (2) there is only

one accretion spot in the visible hemisphere; (3) the spot is small enough to be treated

as a single point on the star; (4) magnetic field in the spot region is radial. These

simplifications are certainly not ideal but they serve well the general purpose here

given the time resolution. The rotation modulation of Bz can now be fitted by a

simple cosine or sine with parameters such as stellar inclination, field strength at the

spot, location (latitude) of the spot and starting phase. In this paper we take the

stellar inclinations from the literature and treat them as a known parameter.

6.4 Results and Discussion

We have recorded 56 polarization spectra (one polarization spectrum consists of one

set of Stokes I and V spectra) for 6 CTTSs in 4 observation runs as summarized

in Table 6.1. Four of the stars have been observed at multiple epochs. All of the 6

stars in this study are among the most extensively studied CTTSs. However, only a

handful of magnetic field studies have been carried out. Among them, the best studied

ones are AA Tau, BP Tau and TW Hya, for which stellar magnetic maps have been

constructed (Donati et al. 2008, 2010a, 2011a). Following the analysis procedures

described in the previous section, we extract the NC from the He I 5876 Å and Ca

II IR triplet lines and then calculate the mean longitudinal magnetic fields using

Equation 6.1 and 6.2 for every observation of every star. These Bz measurements are
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tabulated in Table 6.2. Figure 6.3 plotted the Bz measurements from the NC of the

Ca II IR triplet versus the ones from the NC of the He I 5876 Å line. If two Ca II

lines are available, the weighted mean is plotted in the y axis. It is clearly shown

that the measured Bz values are linearly correlated. The Pearson linear correlation

coefficient is 0.739 and the false alarm probability is 1.2× 10−10.

The next step is to fit the single spot model to the mean longitudinal fields mea-

surements from the He I 5876 Å line and the Ca II IR triplet. To calculate the phases

we set the Helio Julian dates (HJD) of 2450000.000 as the zero phase for all of our

objects. The rotation modulations of the fitted models are plotted as solid sine or

cosine curves in Figure 6.4, Figure 6.5, Figure 6.6, Figure 6.7 and Figure 6.8; the

values of corresponding parameters are tabulated in Table 6.3.

6.4.1 AA Tau

AA Tau has been observed for almost 30 years. It is a member of the 1-3 Myr Taurus

association (Kenyon & Hartmann 1995) and lies 140 pc (Kenyon et al. 1994a) away

from us. It is a K7 star with an effective temperature of Teff ≈ 4000 K, a radius of

2R⊙, a mass of 0.7M⊙and an age of 1.5 Myr (Bouvier et al. 1999), which suggests

its fully convective status. The repeatedly observed period of 8.22± 0.03 d (Bouvier

et al. 2007) is tracing the rotation of the star, and it has a rotation velocity v sin i

of 11.3± 0.7 km/s, indicating an stellar inclination angle of 70◦ ± 10◦ (Bouvier et al.

2003, 2007). It is accreting material from its disk at a moderate rate of 3.3 × 10−9

M⊙/yr (Gullbring et al. 1998). Its magnitude remained at a nearly constant maximum

brightness level between 1987 and 2010 (Grankin et al. 2007). However, Bouvier et al.

(2013) report that AA Tau suddenly faded by 2 mag in the V-band in 2011 and has

been in that deep state since then. Moreover, the 8.2d photometric period observed
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Table 6.3 : Single Spot Model Fitting Parameters

Star Run inc Bp/kG β phi0 r

AA Tau 1998 70 −6.1± 0.6 8◦ ± 2◦ 0.78± 0.06 0.37± 0.05

BP Tau 1998 45 3.2± 0.3 49◦ ± 3◦ 0.78± 0.01 0.31± 0.04

2009 45 2.4± 0.2 13◦ ± 4◦ 0.48± 0.06 0.34± 0.03

DF Tau 1998 64 −2.8± 0.2 8◦ ± 2◦ 0.50± 0.04 0.66± 0.05

2009 64 −2.8± 0.2 4◦ ± 3◦ 0.94± 0.10 0.50± 0.06

DK Tau 1998 50 2.4± 0.3 58◦ ± 3◦ 0.46± 0.01 0.35± 0.06

2009 50 1.2± 0.3 30◦ ± 14◦ 0.44± 0.05 0.61± 0.18

DR Tau 2009 30 −2.8± 0.2 20◦ ± 11◦ 0.15± 0.10 —

TW Hya 1999 15 −2.4± 0.2 11◦ ± 14◦ 0.65± 0.17 0.16± 0.01

2013 15 −4.4± 0.1 10◦ ± 7◦ 0.31± 0.09 0.26± 0.01
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for more than 20 years is no longer detected during most of the deep state. The

authors conclude that this deepening of the AA Tau system is the result of a sudden

increase in circumstellar dust extinction on the line of sight which may be caused by

a nonaxisymmetric overdense region in the disk.

Our 4 observations of AA Tau were taken in 1998, well before this drastic change

took place. In this paper we therefore adopt a rotation period of 8.2 d and a stellar

inclination of 70◦ (Bouvier et al. 2003, 2007) for our analysis. All of the 4 observations

show negative polarity with relatively small variations in the measured Bz values,

indicating that the spot is located at a high latitude given the large stellar inclination,

which is consistent with our single model fitting result, i.e. the spot is located at an

angle of 8◦ ± 2◦ with respect to the rotation axis. This is similar to the results in

Donati et al. (2010a).

6.4.2 BP Tau

BP Tau is also a member of the Taurus association. It is a K7 star and has a

photospheric temperature Teff of 4055± 112 K (Johns-Krull et al. 1999b). This 1.5

Myr old star has a mass of 0.70±0.15 M⊙, a radius of 1.95±0.26 R⊙, a v sin i of about

10 km/s and a stellar inclination of 45◦ (Johns-Krull et al. 1999b; Donati et al. 2008).

It is also a moderate accretor accreting at a rate of about 3× 10−8 M⊙/yr, about an

order of magnitude higher than AA Tau. Early photometric observations determined

that the rotation period of BP Tau is about 7.6 d (Vrba et al. 1986; Shevchenko et al.

1991). The newest measurement of the rotation period of BP Tau is 8.31d from Xiao

et al. (2012). In this paper we use the latter.

We have recorded 13 polarization spectra for BP Tau in 2 observing runs (6 and 7

spectra for 1998 and 2009 respectively). In all 13 spectra, the He I 5876 Å lines show
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the same positive polarity. However, the measurements from these 2 different epochs

show quite different rotation modulation. On the first night in the 1998 run (Nov

26th, 1998) a significant higher level of polarization is detected On the second night

the polarization level dropped by half. Then the field measurements decrease down

to some values consistent with zero for the following four nights. Given the stellar

inclination of 45◦ the angle between the rotation axis and the spot should be about

45◦, which is consistent with the result of our model fitting shown in 6.5. The peak-

to-peak variation of the Bz measurements from the 2009 data is much smaller than

that from the 1998 data, suggesting a smaller angle. Our model fit yields an angle of

13◦ ± 4◦. This is more consistent with the results presented in Donati et al. (2008):

the dipole pole is within 10◦ and the octupole 20◦ with respect to the rotation axis.

If our assumption that the variation in Bz measurements are purely due to rotation

holds, which is reasonable given the smooth variations observed, we can conclude

that BP Tau has undergone substantial change in the geometry of the large scale

field between these two epochs, especially the inclination angle of magnetic pole with

respect to the rotation axis.

6.4.3 DF Tau

Unlike the previous 2 objects, DF Tau is found to be a binary system during a lunar

occultation survey (Chen et al. 1990). The primary and secondary have spectral types

of M2.0 and M2.5 respectively (Hartigan & Kenyon 2003), a varying separation of

about 0.”1, a total mass of 1.17 ± 0.13 M⊙ and an orbital period of 43.7 ± 3.0 yr

(Schaefer et al. 2014). DF Tau is among the most active TTSs. it is accreting at

a rate of 1.77 × 10−7 M⊙yr
−1 (Gullbring et al. 1998), about an order of magnitude

higher than the ones of AA Tau and BP Tau. Bouvier & Bertout (1989) carried out
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UBV RI photometric observations and argue that the observed light curve suggests

that the star, inclined at an angle of 65◦ and with a hot spot at the surface, rotates

at a period of 8.5d. This 8.5d period was later confirmed by Bouvier et al. (1993)

above a 90% confidence level. Schaefer et al. (2003) have shown that the photometric

variability is due to the rotation of the primary. Therefore, this period of 8.5 d is

the rotation period of the primary. Compared to the rotation period, the stellar

inclination measurements appear not as well defined in the literature. Other than the

65◦ inclination from Bouvier & Bertout (1989), Table 2 from Johns-Krull & Valenti

(2001) shows an inclination of 85◦, and in Valenti & Johns-Krull (2004) authors fit

magnetic field measurements and get an inclination of 74◦. These values seem to be

quite different, but in fact they are all consistent within the uncertainties. The value

of the sin function is 0.906 at an angle of 65◦ and 0.996 at an angle of 85◦. With a

20◦ difference, the values of the sine function are only 10% different from each other.

For a v sin i of 20 km/s (Johns-Krull & Valenti 2001) which is roughly the values

of v sin i for DF Tau from the literature, the difference would be 2 km/s, less than

the uncertainties of the measured v sin i which is 3 km/s or more. Therefore here we

adopt an intermediate value 75◦ as the stellar inclination for our analysis, but we will

also examine the impact of choosing different values for stellar inclination.

We have obtained a total of 11 polarimetric observations on DF Tau, 6 from the

1998 run and 5 from the 2009 run. In our observations we used a 1.”19 slit, wider than

the separation of the binary, therefore we are not able to resolve the system. However,

the primary is twice as bright as the secondary in the optical. Therefore, our DF Tau

spectra are mainly attributed to the primary. The measured mean longitudinal fields

from the He I 5876 Å line not only have the same sign, which means that the sum

of the stellar inclination and the angle between the spot and the rotation pole is less
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than 90◦, but also show very little scatter, therefore the spot should lie very close

to the rotation pole. This is exactly the result we get from the model fit. From the

1998 data, the spot is located at angle of 8◦ ± 2◦; from the 2009 data, this angle is

4◦ ± 3◦. The two angles are basically identical within the uncertainties. Moreover,

the Bz measurements from the He I 5876 Å line of the 2 epochs are also similar

in magnitude, around 2 kG. We conclude that regardless of the active and dynamic

nature of DF Tau, the geometry of the magnetic fields on this star in the 2 epochs does

not differ much from each other, suggesting a long lasting (over 10 years) magnetic

topology. This is rare but possible. The fact that the sine/cosine curves are not in

phase is probably due to a small error in the period determination. With 11 years

apart, a 0.01 d error in measured period will result in about 5 d offset which is

more than 0.5 phase shift. If the stellar inclination is 65◦ instead of 75◦ the angles

change from about 5◦ to about 10◦. If the stellar inclination is 85◦, the angles are

as small as 1◦. However at such an edge on configuration, to get 2 kG Bz requires

the magnetic field at the spot to be about 20 kG, extremely high, which is unlikely.

Regardless, from the low scatter in our Bz measurements, independent of the value

of the inclination, the spot must be located at a very high latitude.

6.4.4 DK Tau

DK Tau is also a binary system. The components DK Tau A and DK Tau B were

first resolved by Weintraub et al. (1989). They are separated by 2.”8 (about 400 AU

at a distance of 140 pc) in the sky and have spectral types of K9 and M1 respectively

(Duchêne et al. 1999). We were able to resolve the two since their separation is more

than twice as wide as the slit used in the observations. We had our slit centered

on the primary.The K9 star has an effective temperature of 4200± 200 K (Andrews
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et al. 2013), a mass of 0.431 M⊙ and a radius of 2.49 R⊙(Johns-Krull & Valenti 2001),

and it is moderately accreting from the circumstellar disk at a rate of 3.79 × 10−8

M⊙yr
−1 (Gullbring et al. 1998). According to DK Tau’s V -band light curve obtained

during their COYOTES campaign, Bouvier et al. (1993) found a period of 8.37d.

However there is quite some scatter around their fitted sine wave, suggesting strong

irregular variability superimposed upon the rotation modulation. Analyzing IR CO

lines, Johns-Krull & Valenti (2001) measured a v sin i of 12.0± 2.0 km/s, yielding a

50◦ inclination.

DK Tau has been covered in two of our observing runs (1998 and 2009) and a

total of 12 polarization spectra (6 per run) were collected. It is a very interesting

object, not only because it has highly variable line profiles of Ca II IR triplet as

mentioned in Section 6.3, but also it is the only star in our object list that shows

a reversal of polarity in the He I 5876 Å line during a rotation cycle. Applying our

single spot model is then problematic. First, the model assumes that the variations

in Bz measurements are due to stellar rotation not changes in magnetic field itself.

Second, we are only observing the visible hemisphere so the angle between line-of-

sight and the spot (when seen) are always less than 90◦. When the spot rotates to

the invisible hemisphere, there should be no narrow He I emission at 5876 Å so no

Bz measurements of this NC of the line. Therefore, the single spot model actually

automatically assumes that the measured Bz should have either the same sign or be

zero during a rotation cycle. To accout for the polarity reversal observed here, we

have to make some adjustments to our current model by further assuming that DK

Tau has an anti-symmetric field geometry and two accretion spots located at the

exact opposite sides of the star so that the two spots have the opposite polarities;

and when one of the two rotates to the invisible hemisphere, the other moves to the
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front so that the observed polarity will reverse. The favoring of an anti-symmetric

field geometry is also applied to ZDI techniques by many authors such as Donati

et al. (2008, 2010a,b, 2011b). The 2 datsets obtained in 2 different runs yield quite

different variations in the measured Bz from the He I 5876 Å line. Measurements

from the 1998 dataset show relatively smooth variation and on the night of Nov 30th,

1998 a negative polarity is defintely detected at a 3σ confidence level. The sum of the

stellar inclination and the angle between the pole of the rotation axis and the spot

should be greater than 90◦. With a stellar inclination of 50◦, we would expect the

spot to be located at an angle greater than 40◦ away from the pole of the rotation

axis. Variation of the measurements from the 2009 datset, on the other hand, is not

as smooth and negative polarity is only detected in one of the five observations at a 1σ

confidence level. Most of the measurements are in fact consistent with null detections

though the uncertainties are quite a bit larger due to lower S/N spectra obtained

during this run. Applying our modified model to these 2 sets of measurements, we

get results as expected. In 1998, one of the two spots is of 58◦ ± 3◦ away from the

pole. At the phase of about 0.4, this spot rotates to the back and the other spot

becomes visible, yielding a different polarity. At the phase of about 0.7, this spot

rotates back to the visible hemisphere, reversing the field polarity again. In 2009,

the sum of the stellar inclination and the angle between the spot and the pole of the

rotation axis is 80◦ ± 14◦. Given the large uncertainty, no conclusive points can be

made. Polarity reversal is neither absolutely ruled out nor confirmed. This could be

due to stochastic variations obscuring the actual rotational modulation. On two of

the nights, November 4 and November 5, 2009, show quite strange Stokes V profiles,

not the usual ”S” shape signature. If we exclude these 2 data points, the model fit

yields results in surprisingly good agreement with the results from the 1998 data set.
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The angle between the spot and the pole of the rotation axis is 49◦ ± 29◦, compared

to the 55◦ ± 5◦ of the model fit results from the 1998 data set.

6.4.5 DR Tau

Even though DR Tau has been extensively studied, this K5 star (Furlan et al. 2011)

still stands as one of the most mysterious and puzzling CTTSs out there. This

is due to its highly dynamic and variable nature as well as the high veiling that

fills up absorption lines in its spectra making it extremely hard to carry out many

spectroscopic diagnosis. One problem is the difficulty in determining its rotation

period. A number of peroids have been found. Richter et al. (1992) found from a

35-day long light curve a period of 9.0d. Bouvier et al. (1993) used a V -band light

curve to study its preriodicity and found 2 possible periods, 2.8d and 7.3d. Kenyon

et al. (1994b) used light curves in BV RIHJKL and also found two possible periods,

around 5d and 10d. The authors argue that neither dataset are suffient to demonstrate

periodic behavior. Bouvier et al. (1995) found a period of 7.23d at a confidence level

of 99% in IRV BU bands, apparently confriming the longer period of Bouvier et al.

(1993). They also combined the data from the 2 epochs and again found a single peak

at a period of 7.3d above 99% confidence level. However, after removing the data

that are systematically brighter than the rest, a 9.0d period is found. This result is

consistent with Richter et al. (1992), and also the scatter of the in-phase light curve

can be accounted for by the errors of the measurements alone. Therefore they claimed

the peroid to be 9.0d. Spectroscopic studies have also been carried out to search for

periodicity of DR Tau. Johns & Basri (1995) analyzed variations of the Hα profiles

and obtained two periods, 5.1 ± 0.2d and 7.8 ± 0.4d. Alencar et al. (2001) analyzed

variations in profiles of multiple emission lines, yielding periods of 4 to 9 days. They
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did not recover a unique period. With no definitive period found, the inclination is

also uncertain. Most studies agree that DR Tau has a low inclination. Kenyon et al.

(1994b) estimated an upper limit for the stellar inclination of 30◦, which is supported

by Alencar et al. (2001). In this study we adopt 30◦ as the stellar inclination and

7.3d as the rotation period.

DR Tau was only observed during our 2009 run. A total of 6 polarization obser-

vations were collected. All the mean longitudinal field measurements from the NC of

He I 5876 Å line not only have the same sign but also show very smooth variations,

indicating a strong rotational modulation We apply the single spot model and find

that a spot located at 20◦ ± 11◦ away from the pole of the rotation axis best fits our

data. If we try a period of 9d the results don’t change much.

6.4.6 TW Hya

TW Hya is the only star in our list that is not located in the Taurus association.

This K6 star is located at a distance of 56 ± 7 pc from the Earth, making it one of

the closest CTTSs (Wichmann et al. 1998). It is about 10 Myr old and has a mass of

0.8 M⊙ and a radius of 1.1 R⊙ (Donati et al. 2011a). It’s accreting material from its

circumstellar disk at an average rate of 2× 10−9M⊙yr
−1 (Herczeg et al. 2004). Time

series of radial velocity (RV) measurements show fluctuation with a period of 3.56 d

caused by stellar spots (Huélamo et al. 2008). Given a v sin i of 4 km/s, TW Hya

has a low inclination of about 15◦.

We have collected in total 10 polarization spectra of TW Hya during 2 of our

runs (6 in 1999 and 4 in 2013). The measured mean longitudinal fields from the NC

of the He I 5876 Å lines within each run show very little scatter which is consistent

with its low inclination. The measurements from the 2013 data show less scatter
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and are almost twice as strong as the ones from the 1999 data. Applying the single

spot model to the 2 sets of Bz measurements yields the spot location to be 11◦ ± 14◦

and 10◦ ± 7◦ away from the pole respectively. The reason that this drastic change

in the magnitudes of the Bz measurements from one epoch to another takes place is

unknown. It could caused by retraction of accretion spots so that spots are covering

smaller regions thus suffering less from polarity cancellation. It could also be simply

due to change of the field geotry and strength.

6.4.7 Discussion

The single spot model assumes some quite strong constrains that may not always

be true. CTTSs are variable stars in which stochastic variations are common due

to random energetic events such as flares. Random changes can also happen to

dynamo processes which generate and shape the magnetic fields on these stars. Simply

assuming the measured variations are only due to rotation is likely not strictly correct.

Nevertheless, rotational modulation should occur if the structures last longer than a

single rotaiton period. Given the time resolution of our observations it is not possible

to study the stochastic processes in these stellar systems. However, most of the

measurements here show smooth variations, suggesting the variation is dominated

by rotational modulation. The one spot assumption can also cause problems, as is

shown in the case of DK Tau here. Accretion spots on CTTSs come with different

multiplicities and shapes as shown in field extrapolations (Gregory et al. 2006) and

MHD simulations (Romanova et al. 2003, 2004). To account for this but not to overfit

the data, we modified the single spot model to a two spot model with the two spots

having opposite polarity and being located on the opposite sides of the star. Studying

various shapes of spots is beyond the capability of our model with the data available
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to us. Even though the single spot model may not account for all aspects of reality,

it does do a reasonable job at illustrating the rotational modulation.

During the process of applying the model to our data, we find that the sum of

the inclination and the angle that the spot is away from the pole of the rotation axis

stays roughly the same if we use different input inclinations to fit the same data. And

the resulting curve are almost the same. Therefore, if our adopted inclination is off

by a certain amount, the resultant spot location is roughly off by that amount. We

also found that the uncertainty of the spot location is related closely to the stellar

inclination. The lower the inclination the larger the uncertainty. Therefore it is more

difficult to constrain the spot location for stars with lower inclinations.

We have 2 epochs of polarization data for 4 CTTSs. The 2 epochs are separated

by 11 or 14 years. During such a long period, it is difficult to make any definitive

conclusions from studying variations between these 2 epochs. If a star shows quite

similar characteristics in the 2 epochs, it may well be because the star has not changed

much, but we can not rule out the possibility that the star at one point changed to a

middle stage and then later changed back to the original stage or the possibility that

the star has changed to a stage which shares the same characteristics as the original

stage. Here we only provide suggestive conclusions. Over the years, the location of

spots does not change signaficantly for DF Tau but has likely changed for BP Tau.

The field magnitudes at the accretion spot regions remain more or less the same for

DF Tau and DK Tau, increased a little for BP Tau and signaficantly increased for

TW Hya.

We have attempted to constrain the the location of the accretion footpoints on

the stellar surface based on the line of sight magnetic field variations in lines believed

to form in the accretion footpoints. These foot point locations are expected to be
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strongly affected by the overall geometry of the large scale magnetic field. In the

magnetospheric accretion paradigm, this large scale field connected to the accretion

foot points traces out the magnetic fields along which the disk material travels as it

accretes onto the stellar surface. Thus, we might expect to see a signature of these

large scale fields in the variations of emission lines believed to form throughout this

accretion flow.

The Hα emission line is the primary optical diagnostic seen in CTTSs. This line

is believed to be primarily formed in the magnetospheric accretion flows of these

stars (e.g. Hartmann et al. 1994; Muzerolle et al. 1998, 2001). For a large scale

field controlling the accretion flow that is aligned with the rotation axis, we would

not expect any profile shape variations. For a field that is tilted with respect to the

rotation axis, profile shape variations are possible. At this point, model calculations

are not really available to guide us; however, we might expect that the larger the

misalignement of the field, the larger the potential profile variations are. In addition,

if the large scale field along which the material accretes is generally dipolar, we might

expect smaller profile shape variations compared to the case where the field controlling

the accretion flow is dominated by higher order components such as an octupole.

Our echelle spectra record the Hα emission line along with the other lines discussed

in this chapter. Here, we are interested only in the line profile shapes and their

variability, so we concentrate only on the Stokes I spectra of this line which are

shown for all our observations in Figure 6.9. Looking at this figure, it appears that

some stars show strong profile shape changes (e.g. DK Tau) while others appear to

have little or no change in shape. In order to be more quantitative in this discussion, it

is useful to come up with a numerical value that measures the profile shape variability

in some way. We attempt to do this through a χ2 like statistic. For each observed
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Table 6.4 : Hα Profile Variability

Star Run inc χ̄2 σ(χ2) Max(χ2)

AA Tau 1998 70 2.72 1.11 4.21

DR Tau 2009 30 0.87 0.44 1.45

BP Tau 1998 45 0.39 0.35 1.02

2009 45 0.30 0.14 0.51

DF Tau 1998 75 0.92 0.37 1.27

2009 75 1.31 0.65 2.20

DK Tau 1998 50 2.82 1.59 4.71

2009 50 1.65 1.11 3.67

TW Hya 1999 15 0.35 0.23 0.79

2013 15 0.27 0.10 0.41

profile, we normalize the line profiles so that they all have the same equivalent width

(in this case, 100 pixels, or ∼ 250 km s−1). For each run on each star, we then compute

the mean continuum subtracted line profile, and then compute χ2 = Σ(Fλ−̄Fλ)
2 over

the line profile for each observation of the star in that run. With these χ2 values in

hand, we can compute the mean, standard deviation, and maximum value for this χ2

statistic for each star in each run. These are given in Table 6.4.

As described above, most of the accretion foot point polarization measurements

show relatively low amplitude, smooth variations, indicating that the accretion foot

points are typically close to the rotation pole. The star with the most erratic polar-

ization measurements is DK Tau, particularly from the 1998 observing run. At this
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time, the field measurements in the accretion footpoints show a change in polarity,

and this is the only star observed to behave in this way. Table 6.4 shows that this

epoch on DK Tau also shows the largest Hα line profile variability, and DK Tau in

both eposchs is among the most variable in terms of Hα emission line profile shape.

Stars observed nearly pole on should show no rotational modulation or variability

of their emission line profiles, so we expect profile variability to be related to stellar

inclination in addition to misalignment of the rotation and magnetic axes. In Figure

10 we plot the standard deviation of our χ2 statistic as a function of stellar inclination

for our targets. Stars observed in two epochs are connected by a vertical line. DK

Tau (at i = 50◦) sticks out as the most variable in this plot. The only other star that

is comparably variable is AA Tau which is our highest inclination source. AA Tau is

also know to show profile variations caused in part by shadowing from a warp an its

inner disk (e.g. Bouvier et al. 2003).

It is intresting to note that both DK Tau and BP Tau have similar stellar inclina-

tions and similar derived field misalignments at least in the 1998 epoch for both stars,

yet BP Tau shows some of the weakest Hα line profile varaibility while DK Tau shows

the strongest. The single spot model used above is most applicable if the accretion is

controlled by the dipole component of the misaligned field. The field polarity reversal

observed in DK Tau could be due to two spots on opposite sides of the star which

would be expected from a misaligned dipole as modeled above; however, it could also

be due to the accretion being controlled by a higher order magnetic field which is also

misaligned with the rotation axis such that both (or even more than 2) observed foot

points are in the northern hemisphere of the star as observed from Earth. Such a

complex field controlling the accretion flow would likely poduce more dramatic profile

shape variations than even a misaligned dipole. Given the very similar inclination
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of BP Tau and DK Tau but the much greater variation in both the accretion foot

point magnetic fields and Hα profile varaitions of DK Tau, we suggest that DK Tau’s

accretion flow is controlled by a significantly more complex large scale field than that

controlling BP Tau’s accretion flow.

DK Tau is also interesting in this sample of stars in that it shows the most dramatic

change in the strength of it Hα profile on any one night. On the last night of the 2009

run, the Hα line of DK Tau nearly doubles in strength, accompanied by a dramatic

increase in the veiling observed on that night. These observations suggest a significant

rise in the accretion rate. Unfortunately, the signal-to-noise of the longitudinal field

measurements on this night are not as good; however, nothing remarkable is observed

in the accretion foot point field values on this night of much higher accretion. Thus, it

appears, at least in this case, that the accretion rate can change substantially wihtout

the field responding in any sort of dramatic fashion.

6.5 Summary

Our goal of this paper is to constrain the location of accretion spots using mean lon-

gitudinal magnetic fields Bz in these spot regions as tracers. The narrow component

of the He I 5876 Å line are believed to be purely formed in this region, which makes

this line ideal to measure Bz. We collected a total of 56 polarization spectra for 6

stars (AA Tau, BP Tau, DF Tau, DK Tau, DR Tau and TW Hya) in 4 observing runs

at the 2.7m Harlan J. Smith Telescope at McDonald Observatory using the Zeeman

Analyzer. Here we focus on the narrow component of the lines, believed to form in the

accretion foot point. To measure the Bz, we use the integral method. We then apply

a single spot model to these Bz measurements to find paramters such as the location

of the accretion spots that best describe the variations of the Bz measurements. Four
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stars out of 6 in this paper have 2 epochs of data. Comparing results of the model fit

from different epochs suggests that No general conclusions on how close the accretion

foot points are to the stellar pole or whether the location of the spot has changed

over the years can be given.
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Figure 6.2 : Continuum normalized Ca II 8498 Å line profiles of BP Tau on Nov
26th, 1998 (the top panel), DR Tau on Nov 4th, 2009 (the middle panel) and DK
Tau on Nov 30th, 1998 (the bottom panel) are shown in the histogram. As evidently
shown the profiles consist of two distinct component, a NC on top of a BC. The three
panels represent three different profile shapes of the BCs. The top and middle panel
show BCs with pure absorption and emission profile respectively while the BC in the
bottom panel itself is a composite of an emission feature and an absorption feature.
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Figure 6.3 : Bz measurements from the NC of the Ca II IR triplet versus the ones
from the NC of the He I 5876 Å line. If two Ca II lines are available, the weighted
mean is plotted in the y axis. A nice linear correlation between the measured Bz

values is shown.
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Figure 6.4 : Single spot model fitting of the Bz measurements from the He I 5876 Å
line and the Ca II IR triplet lines for AA Tau at epoch 1998 and DR Tau at epoch
2009. The fitted parameters are shown in text. .
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Figure 6.5 : Single spot model fitting of the Bz measurements from the He I 5876 Å
line and the Ca II IR triplet lines for BP Tau at epoch 1998 and 2009. The fitted
parameters are shown in text. .
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Figure 6.6 : Single spot model fitting of the Bz measurements from the He I 5876 Å
line and the Ca II IR triplet lines for DF Tau at epoch 1998 and 2009. The fitted
parameters are shown in text. .
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Figure 6.7 : Single spot model fitting of the Bz measurements from the He I 5876 Å
line and the Ca II IR triplet lines for DK Tau at epoch 1998 and 2009. The fitted
parameters are shown in text. .
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Figure 6.8 : Single spot model fitting of the Bz measurements from the He I 5876 Å
line and the Ca II IR triplet lines for BP Tau at epoch 1998 and 2009. The fitted
parameters are shown in text. .
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Figure 6.9 : Hα profile variability. χ2 measures the difference between the individual
and the average profiles.
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Chapter 7

Summary

The primary goal of this thesis is to study the properties of magnetic fields on CTTSs

which control the interaction between the central star and its surrounding disks,

shaping the star formation processes. There have been many successful attemps to

measure the total magnetic flux by first measuring the Zeeman broadening in a few

magnetically sensitive photospheric lines in unpolarized spectra (Johns-Krull et al.

1999b; Yang et al. 2005; Johns-Krull 2007; Yang et al. 2008; Yang & Johns-Krull

2011). Fields with strength on the order of 2.5 kG are commonly detected. However,

this does not provide any information about the field geometry. In this thesis we

present time series of spectropolarimetric data on a few CTTSs which can effectively

detect magnetic signatures in the polarized Stokes spectra.

We have developed our own LSD code as described in Chapter 2. It has the

advantage of grealy enhancing the signal-to-noise ratio of the observed spectra by

effectively averaging over hundreds to thousands of spectral lines, permitting a sense-

tive detection of magnetic signatures in the resulting Stokes profiles. The code has

been compared to a similar code developed by Kochukhov et al. (2010) by analyzing

the same spectra with the same line list. The extracted profiles by the two codes

agree very well with each other, suggesting that our LSD code performs similarly to

currect state of the art LSD codes.

Before we conduct meaningful analysis of the polarization data on our sample

stars, it is very important to understand well the efficiency of the polarizer and
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systematic errors that may be present in the system. The instruments we use for

collecting most of the spectropolarimetric data presented in this thesis are the Zeeman

analyzer (ZA) and cross-dispersed coudé echelle spectrometer (2dcoudé) at the 2.7m

Harlan J. Smith Telescope at McDonald Observatory. In Chapter 3 we specifically

carried out several tests to verify the zero point uncertainty and polarization efficiency

of the system. We use data on several late type stars, namely the Sun, Arcturus,

61 Cyg A and ξ Boo A, whose polarization levels are believed to be very low or

nonexistent. Spurious signals are indeed detected on these stars, but very weak (≤ 10

G). The amplitudes of these signals are too small to be detected in the spectra of the

TTSs that are the main subject of this work. Field measurements using 40 telluric

lines in the spectra of BP Tau in §4.2 also showed null results as expected (to within

40 G), which again indicates that our system does not produce strong spurious signals

in the measurements of this and other TTSs. The well-studied Ap Star 53 Cam serves

as a non-zero magnetic standard, on which we observed Bz = −4.5± 0.4 kG at phase

0.657 as indicated by its magnetic rotation curve in Bagnulo et al. (2001) and Daou

et al. (2006). This shows that the polarization efficiency of our instrumentation is

quite good for fields of a few kG.

In Chapter 4, we apply our LSD code to spectra of BP Tau taken over 6 nights

using 375 photospheric absorption lines which yields measurements of mean longi-

tudinal fields with the maximum amplitude of -370 ± 80 G on the first night. Our

time-series LSD Stokes V profiles yield a best fit of a 1.8 kG dipole tilted at 129◦ with

respect to the rotation axis and a 1.4 kG octupole tilted at 104◦ with respect to the

rotation axis, both with a filling factor of 25%, which is also consistent with the line

broadening measurements. Introducing the concept of a magnetic filling factor ψ i.e.

that large scale magnetic fields only cover a portion (ψ) of the stellar surface allows
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a stronger field and enables us to explain the wide Stokes V profiles. However, to

maintain pressure balance between the two regions of the star, we introduced small

scales fields in the 1-ψ potion of the stellar surface: they are assumed small scale so

opposite polarities completely cancel out and do not contribute to Stokes V . These

small scale magnetic fields are assumed to have the same field strength as the large

scale field so that they maintain pressure balance with the large scale field regions..

Studies of the emission lines forming in the accretion footpoints give measurements of

the order of a kG, which is consistent with previous studies, as well as with mean field

strengths determined from IR Zeeman broadening measurements. Strong polariza-

tion is observed in the narrow component (NC) of both the He I 5876 Å line and Ca

II IR triplet, suggesting that these NCs are tracing the accretion shock region where

accreting material hits the stellar photosphere, covering only a very small fraction

of the stellar surface and suffering much less from field cancellation from opposite

polarities. The polarization strength is greater in the He I line than in the Ca II

lines, which is believed to be due to the NC of Ca II lines being diluted by magnetic

chromospheric emissions.

Being one of the closest CTTSs from us, TW Hya has been extensively observed .

Magnetic field has been measured multiple times (Yang et al. 2005, 2007), and the star

has been imaged using ZDI techniques (Donati et al. 2011a). The Bz values measured

from the He I line are on the order of 2 ∼ 3 kG, and the ones measured from the Ca

II lines are substantially weaker, on the order of several hundred gauss. On Febrary

1st to 4th 2013, we collected 4 sets of polarized spectra for TW Hya. Unexpectedly,

much stronger polarization is detected in all features. The measured Bz values from

the He I line are almost twice the values from previous studies. This motivates us

to study the magnetic variability on TW Hya throughout the years. In Chapter 5



172

we gather the four epochs of data available and analyze them exactly the same way

to minimize bias. Importantly, we find that our field measurements do not fully

agree with those reported in the literature using exactly the same data, illustrating

the role that differences in analysis technique can have on the reported fields. This

also shows that one can not simply reply on different reported field values in the

literature to study variability. We then fit the measured results using our stellar

rotation model. The recovered model parameters suggest that the field geometry

has undergone signaficant changes over the years. It is possible that higher order

spherical harmonic components existed at earlier times and later transfered its flux

to the lower order components. The model fit also proposed an interesting scenario for

the magnetic enhancement that happened in epoch 13: the dipole component flipped

its polarity and changed its direction with respect to the octupole from being anti-

parallel to parallel. Even though the field strengths are similar, instead of suffering

cancellation from opposite polarities, the fields at the poles add up, making the

observed fields much stronger by an amount twice the strength of the dipole field.

It is believed that the NC of the He I 5876 Å line and the Ca II IR triplet are formed

at the foot point of the accretion funnels, where the accretion shock takes place. The

measured Bz values from these lines are actually tracing the local magnetic fields

at the spot region, providing information on how the accretion spots are located on

the stellar surface as the star rotates. We used time-series of spectropolarimetric

data of 6 CTTSs at different epochs and applied a single spot model to locate the

accretion spot. No general conclusions on how close the accretion foot points are to

the stellar pole or whether the location of the spot has changed over the years can be

given. These must be considered on a star to star basis. However for highly variable

stars such as DK Tau complex and variable magnetic configurations do appear to be
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present.

From the work illustrated in this thesis, a general picture can be drawn for the

magnetic fields on TTSs. On the surface of the star, strong local magnetic fields on

the order of 2 ∼ 3 kG are present, truncating the inner disk. The fields are primarily

small scale fields, yielding weaker longitudinal magnetic fields due to flux cancellation

from opposite polarities. They are responsible for the activitiy observed in X-rays for

example. Large scale fields also appear to exist. Their field lines thread through the

accretion disk, directing the material to the stellar surface, leading to the formation

of accretion shocks. The He and Ca I are excited, producing the NC of the He I line

and the Ca II IR triplet, from which, the strong local magnetic fields can be traced.

The fields are most likely generated through dynamo mechanisms which should be

able effectively generate magnetic fields in fully convective TTSs.
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N. 2007, A&A, 475, 1053

Babcock, H. W. 1960, ApJ, 132, 521

Bagnulo, S., Landolfi, M., Landstreet, J. D., Landi Degl’Innocenti, E., Fossati, L., &

Sterzik, M. 2009, PASP, 121, 993

Bagnulo, S., Wade, G. A., Donati, J.-F., Landstreet, J. D., Leone, F., Monin, D. N.,

& Stift, M. J. 2001, A&A, 369, 889

Barnes, J. R., Collier Cameron, A., James, D. J., & Donati, J.-F. 2000, MNRAS, 314,

162

Basri, G., Marcy, G. W., & Valenti, J. A. 1992, ApJ, 390, 622



175

Batalha, C. C., Stout-Batalha, N. M., Basri, G., & Terra, M. A. O. 1996, ApJS, 103,

211

Beristain, G., Edwards, S., & Kwan, J. 2001, ApJ, 551, 1037

Bertout, C. 1989, ARA&A, 27, 351

Bevington, P. R. & Robinson, D. K. 1992, Data reduction and error analysis for the

physical sciences

Borra, E. F., Edwards, G., & Mayor, M. 1984, ApJ, 284, 211

Borra, E. F. & Landstreet, J. D. 1977, ApJ, 212, 141

—. 1980, ApJS, 42, 421

Bouvier, J., Alencar, S. H. P., Boutelier, T., Dougados, C., Balog, Z., Grankin, K.,

Hodgkin, S. T., Ibrahimov, M. A., Kun, M., Magakian, T. Y., & Pinte, C. 2007,

A&A, 463, 1017

Bouvier, J. & Bertout, C. 1989, A&A, 211, 99

Bouvier, J., Cabrit, S., Fernandez, M., Martin, E. L., & Matthews, J. M. 1993, A&A,

272, 176

Bouvier, J., Chelli, A., Allain, S., Carrasco, L., Costero, R., Cruz-Gonzalez, I., Douga-

dos, C., Fernández, M., Mart́ın, E. L., Ménard, F., Mennessier, C., Mujica, R.,

Recillas, E., Salas, L., Schmidt, G., & Wichmann, R. 1999, A&A, 349, 619

Bouvier, J., Covino, E., Kovo, O., Martin, E. L., Matthews, J. M., Terranegra, L., &

Beck, S. C. 1995, A&A, 299, 89



176

Bouvier, J., Grankin, K., Ellerbroek, L. E., Bouy, H., & Barrado, D. 2013, A&A,

557, A77

Bouvier, J., Grankin, K. N., Alencar, S. H. P., Dougados, C., Fernández, M., Basri,

G., Batalha, C., Guenther, E., Ibrahimov, M. A., Magakian, T. Y., Melnikov, S. Y.,

Petrov, P. P., Rud, M. V., & Zapatero Osorio, M. R. 2003, A&A, 409, 169

Brown, D. N. & Landstreet, J. D. 1981, ApJ, 246, 899

Browning, M. K. 2008, ApJ, 676, 1262

Camenzind, M. 1990, in Reviews in Modern Astronomy, Vol. 3, Reviews in Modern

Astronomy, ed. G. Klare, 234–265

Cauley, P. W., Johns-Krull, C. M., Hamilton, C. M., & Lockhart, K. 2012, ApJ, 756,

68

Chabrier, G. & Küker, M. 2006, A&A, 446, 1027

Chen, W. & Johns-Krull, C. M. 2013, ApJ, 776, 113

Chen, W. P., Simon, M., Longmore, A. J., Howell, R. R., & Benson, J. A. 1990, ApJ,

357, 224

Collier Cameron, A. & Campbell, C. G. 1993, A&A, 274, 309

Daou, A. G., Johns-Krull, C. M., & Valenti, J. A. 2006, AJ, 131, 520

Dobler, W., Stix, M., & Brandenburg, A. 2006, ApJ, 638, 336

Donati, J.-F., Gregory, S. G., Alencar, S. H. P., Bouvier, J., Hussain, G., Skelly, M.,

Dougados, C., Jardine, M. M., Ménard, F., Romanova, M. M., & Unruh, Y. C.

2011a, MNRAS, 417, 472



177

Donati, J.-F., Gregory, S. G., Alencar, S. H. P., Hussain, G., Bouvier, J., Dougados,

C., Jardine, M. M., Ménard, F., & Romanova, M. M. 2012, MNRAS, 425, 2948

Donati, J.-F., Gregory, S. G., Montmerle, T., Maggio, A., Argiroffi, C., Sacco, G.,

Hussain, G., Kastner, J., Alencar, S. H. P., Audard, M., Bouvier, J., Damiani, F.,
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